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ABSTRACT

Context. Chemically peculiar Ap and Bp stars host strong large-scale magnetic fields in the range of 200 G up to 30 kG, which are
often considered to be the origin of fossil magnetic fields.
Aims. We assess the evolution of such fossil fields during the star formation process and the pre-main sequence evolution of inter-
mediate stars, considering fully convective models, models including a transition to a radiative protostar and models with a radiative
core. We also examine the implications of the interaction between the fossil field and the core dynamo.
Methods. We employ analytic and semi-analytic calculations combined with current observational constraints.
Results. For fully convective models, we show that magnetic field decay via convection can be expected to be very efficient for
realistic parameters of turbulent resistivities. Based on the observed magnetic field strength - density relation, as well as the expected
amount of flux loss due to ambipolar diffusion, it appears unlikely that convection could be suppressed via strong enough magnetic
fields. On the other hand, a transition from a convective to a radiative core could very naturally explain the survival of a significant
amount of flux, along with the presence of a critical mass. We show that in some cases, the interaction of a fossil field with a core
dynamo may further lead to changes in the surface magnetic field structure.
Conclusions. In the future, it will be important to understand in more detail how the accretion rate evolves as a function of time
during the formation of intermediate-mass protostars, including its impact on the protostellar structure. The latter may even allow to
derive quantitative predictions concerning the expected population of large scale magnetic fields in radiative stars.

Key words. Magnetic fields – Stars: chemically peculiar – Stars: pre-main sequence – Stars: protostars – dynamo

1. Introduction

It is known since the calculations of Cowling (1945) that mag-
netic fields can survive for resistive timescales comparable to or
even longer than the main-sequence life time of radiative stars.
Indeed, strong magnetic fields have been detected in a population
of peculiar intermediate-mass main-sequence stars in the range
of 1.5−6 M⊙. These stars, that are generally classified as Ap/Bp,
host large-scale magnetic fields with mean field strength in the
range of 200 G up to 30 kG (Aurière et al. 2007). In general,
these stars account for a few percent of the A-star population.
Studies based on a volume limited sample within 100 pc from
the Sun further indicate a significant mass dependence, where
the fraction of magnetically active stars is at the sub-percent level
at 1.5 M⊙, and raises to ≳ 20% and higher from stellar masses of
3.5 M⊙. Below 1.5 M⊙ (around F0), the phenomenon disappears
completely and is then absent in stars with efficient convection
within the envelope.

The presence of strong magnetic fields has been shown to
be correlated with other properties. Abt & Morrell (1995) have
shown that most magnetic A stars rotate slowly compared to
the non-magnetic stars. More specifically, Mathys (2008) have
shown that most Ap stars have periods between one and ten
days, while non-magnetic A stars have periods ranging from a
few hours to a day. 10% of Ap stars even have very long periods
of the order 100 days. Similarly, the binary fraction among Ap
stars was found to be lower than for conventional A stars (Abt &

Snowden 1973; Gerbaldi et al. 1985; Carrier et al. 2002; Folsom
et al. 2013). Apart from one known example (HD 200405), there
seems to be a lack of Ap stars in binaries with periods of less
than 3 days.

The strong magnetic fields are further linked to chemically
peculiar abundance patterns, which may arise as a result of
gravitational settling and radiative levitation (Michaud 1970;
Kochukhov et al. 2011). Generally, Ap/Bp stars are defined as
showing peculiar abundances of rare earths and some lighter el-
ements such as silicon, as well as surface inhomogeneities of
these elements. There is a strong correlation between the chem-
ically peculiarities and the presence of magnetic fields, with the
apparent exception of HgMn stars.

It seems very likely that these are not separate phenomena,
but the chemical peculiarities and the strong magnetic fields may
be linked, particularly if the magnetic field is indeed a fossil field
coming from the interstellar medium. In this case, it will have
to survive the convective protostellar phase, which is only pos-
sible for strong enough magnetic fields that can efficiently sup-
press convection (see e.g. Moss 2003; Jermyn & Cantiello 2021).
An alternative possibility is available particularly in the range of
higher mass stars. As noted by Dudorov & Tutukov (1990), pro-
tostars may become radiative when reaching masses of ∼ 2 M⊙,
allowing them to conserve any accreted magnetic field. Proto-
stellar evolution calculations for intermediate-mass stars have
indeed shown such a critical transition to occur (Palla & Stahler
1991), with the mass of the transition being regulated by the ac-
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cretion rate of the protostars (Palla & Stahler 1992, 1993). These
possibilities are likely to be directly linked to chemical peculiar-
ities of the stars, as efficient convection would not only wash
out any fossil fields, but also any gentle separation processes of
the elements in the surface of the stars (see also Gough & Tayler
1966; Moss & Tayler 1969, for the suppression of convection via
strong magnetic fields). Numerical simulations suggest that kG
magnetic fields may be implanted in low mass stars as a result
of gravitational collapse, though considerable uncertainties re-
main due to effects of numerical resolution (Wurster et al. 2018,
2022).

Meanwhile, weak magnetic fields have even been detected
in part of the “non-magnetic” population, namely in Sirius and
Vega. In case of Vega, Zeeman polarimetry has revealed a mag-
netic field strength of 0.6 ± 0.3 G (Lignières et al. 2009; Petit
et al. 2010, 2022), and 0.2 ± 0.1 G in Sirius (Petit et al. 2011).
It is conceivable but requires further investigation that all of the
so-called “non-magnetic” stars have field strength of this order,
corresponding then to a gap of about two orders of magnitude to
the Ap stars showing strong magnetic fields. It is also important
to note that the detection of magnetic fields via the Zeeman ef-
fect becomes considerably more difficult for stars above 6−8 M⊙,
as they show much fewer lines in the spectrum. In some cases,
detection was achieved (Henrichs et al. 2000; Wade et al. 2013),
and about 7% of O and B stars seem to host large-scale magnetic
fields (Petit et al. 2013).

An important alternative to the fossil field scenario could
be due to the presence of a core dynamo in intermediate mass
stars, which are expected to develop a convective core when
reaching the main sequence (Palla & Stahler 1991, 1992). The
cores of such stars have long been suspected to host dynamo ac-
tion (Krause & Oetken 1976; Brun et al. 2005). The buoyant
rise of the produced magnetic structures is however expected
to take longer than the lifetime of the star, unless very small
flux tubes can be formed (Parker 1979; Moss 1989; MacGregor
& Cassinelli 2003; MacDonald & Mullan 2004), while obser-
vations tend to favor large-scale magnetic fields at the surface.
Nonetheless, it is worth noting that the fossil field can even in-
teract with the core dynamo and possible enhance it (Feather-
stone et al. 2009), and it is likely important to further explore its
implications.

It is worth noting that additional complications and prob-
lems may exist, as lined out in the review article of Braith-
waite & Spruit (2017). One such issue concerns the stability of
fossil fields, which was examined for toroidal fields by Spruit
(1999) and Braithwaite (2006), and for axisymmetric poloidal
fields by Markey & Tayler (1973), Wright (1973), and Markey &
Tayler (1974). Numerical investigations have been performed by
Braithwaite & Spruit (2004) and Braithwaite (2009), following
the evolution of magnetic fields in radiative stars from initially
arbitrary fields based on the evolution equations. These simula-
tions have provided more detailed conditions for the stability of
magnetic fields, which are compatible for a wide range of cases
and field strength with the analytic calculations.

In this paper, we are interested in following the evolution
of the initial fossil field through the star formation process (e.g.
Galli et al. 2006; Shu et al. 2007; Hennebelle et al. 2016), partic-
ularly in the context of massive star formation. Possible impli-
cations of non-ideal magneto-hydrodynamics (MHD) were pre-
viously assessed e.g. by Desch & Mouschovias (2001), Nakano
et al. (2002), Tomida et al. (2015) and Masson et al. (2016). A
theory for the evolution of the fossil fields during the collapse
and disk phase was presented by Dudorov & Khaibrakhmanov
(2014, 2015). The evolution of the magnetic field within a fully

Fig. 1. Possible evolutionary pathways of fossil fields during protostel-
lar evolution. Left: Fossil field dissipated due to convection. Middle:
Fossil field strong enough to suppress convection. Right: Protostar be-
comes radiative, absence of turbulent dissipation. The orange color indi-
cates the protostellar disk, yellow lines the magnetic field. Circles indi-
cate convective regions within the protostars, arrows represent radiative
regions.

convective protostar was then discussed by Moss (2003). How-
ever, as already suggested by Dudorov & Tutukov (1990) and
confirmed by protostellar evolution models of Palla & Stahler
(1991, 1992, 1993), the protostars will eventually become radia-
tive depending on the accretion rate. In some cases also simu-
lations where the protostars develop a radiative core have been
reported (Klassen et al. 2012). A summary of the most important
evolutionary pathways is given in Fig. 1.

Here we reassess the evolution of the fossil field in the light
of such possibilities, considering the approximate evolution dur-
ing the star formation process including the range of magnetic
field strength in the context of different types of protostellar
models. Our considerations for the prestellar evolution are pre-
sented in Section 2. The evolution in case of a fully convective
protostar is presented in Section 3 and compared to Moss (2003).
The scenario considering a transition to a radiative protostar is
outlined in Section 4, and the case with a radiative core pre-
sented in Section 5. The possible interaction of the fossil field
with a core dynamo is considered in Section 6, and a final dis-
cussion and conclusions are provided in Section 7.

2. Pre-stellar evolution

Magnetic field measurements in molecular and protostellar
clouds have established an approximate relation between the
magnetic field strength B and the number density of the gas n,

B
B0
=

(
n
n0

)k

, (1)
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where B0 = 5 µG, n0 = 50 − 200 cm−3 and k between 1/2
and 1/3. This relation has been obtained for the density range of
roughly 1 − 1010 cm−3 (Vallée 1997; Girart et al. 2006; Li et al.
2009; Crutcher 2012; Chapman et al. 2013; Koley et al. 2022).
It is very similar though not completely identical to what could
be expected from flux freezing during a spherically symmetric
collapse, where one would expect B ∝ n2/3. The fact that the ob-
served B-n relation has a somewhat more moderate slope could
be due to different reasons; for example if the collapse is not
spherical the relation between density and radius may change,
the expression for flux conservation could be altered and flux
may not be fully conserved. Numerical simulations have studied
the evolution of the magnetic field strength during gravitational
collapse, starting with typical values of 30 − 300 µG at a num-
ber density of 300 cm−3, finding a central field strength of about
0.1 G at a number density of around 1010 − 1011 cm−3 (Desch
& Mouschovias 2001; Nakano et al. 2002; Tomida et al. 2015;
Masson et al. 2016). At those densities, the ionization degree
drops significantly and the magnetic field is no longer efficiently
coupled to the gas, but remains approximately constant while the
gas density increases to about 1015 − 1016 cm−3. At that point,
the temperature has risen so much due to adiabatic collapse that
the ionization degree is sufficiently high for the coupling of the
magnetic field to the gas (Nakano 1988; Nakano & Umebayashi
1988) . We assume that the magnetic field strength will follow
a similar relation as given in Eq. (1) until protostellar densities
are reached. These final densities will depend on the protostellar
mass and radius and also on the protostellar model (see e.g. Palla
& Stahler 1993; Siess et al. 2000).

A possible complication arises in the context of protoplane-
tary disk formation. In a detailed study, Hennebelle et al. (2016)
have shown that disk formation occurs when the timescale for
the generation of a toroidal field component through differential
rotation is comparable to the ambipolar diffusion time in the ver-
tical direction, thereby reducing the efficiency of magnetic brak-
ing. In addition, the rotation and magnetic braking timescales
must be of the same order. This leads to the condition

rdisk ∼ 19 δ2/9
(

ηAD

1018 cm2 s−1

)2/9 ( Bz

0.1 G

)−4/9 (
M∗ + Md

0.1 M⊙

)1/3

au,

(2)

where δ is a coefficient of the order of a few in the density-
radius relation, ηAD is the ambipolar diffusion resistivity, Bz the
z-component of the magnetic field (which follows a similar re-
lation as our Eq. (1) in the Hennebelle et al. (2016) model and
then similarly flattens in the regime of ambipolar diffusion), M∗
is the mass of the central star and Md the mass of the disk. We
estimate the density at the disk radius assuming that the den-
sity profile until that point approximately follows an isothermal
sphere, i.e.

ρ ≈ δ
c2

s

2πGr2 , (3)

with the sound speed cs =
√
γkBT/(µmH), kB the Boltzmann

constant, T the temperature, µ ∼ 2 the mean molecular weight,
mH the atomic hydrogen mass and γ = 5/3 the adiabatic in-
dex. With T ∼ 10 K, we thus have cs ∼ 0.3 km s−1 and
ρ ∼ 2.9× 10−14 g cm−3 or n ∼ 8.8× 109 cm−3. Disk formation is
thus typically expected at similar, perhaps slightly lower densi-
ties compared to those where ambipolar diffusion is expected to
become efficient.

The disk phase could in principle change the relation be-
tween magnetic field strength and density, particularly if a dy-
namo is operational at least in some part of it. The expected mag-
netic field strength would then be related to the field strength of
equipartition,

Beq = 3turb
√

4πρ, (4)
where 3turb is the turbulent velocity. Assuming 3turb ∼ cs, we
would have Beq ∼ 0.018 G at n ∼ 1010 cm−3. while from Eq. (1)
we would have B ∼ 0.002 − 0.05 G depending on the value of k.

In a more accurate model (e.g. Shukurov 2004), the field
strength produced by the dynamo is given as

Beq,disk = Beq

√
D

Dcrit
− 1, (5)

where

D ≃ 9
(
ΩR
3turb

)2

(6)

is the dynamo number, which must exceed a critical value Dcrit ∼

7 for the dynamo to operate. We estimate the angular velocity Ω
via

Ω ∼

√
G(M∗ + Md)

r3 (7)

and obtain Ω ∼ 7.6 × 10−10 s−1 at a radius of about 19 au. The
expected dynamo number is thus D ∼ 420, leading to a relation
of Beq,disk ∼ 7.7Beq ∼ 0.14 G. The field strengths that can be
expected in the presence of a disk dynamo are thus somewhat
around the upper limit of what can be expected from the scaling
relations (Eq. 1). Considering the disk model presented by Du-
dorov & Khaibrakhmanov (2014), the ionization degree on these
scales is very low and keeps decreasing down to a scale of 0.3 au,
where the increase of the temperature leads to a higher ioniza-
tion degree. The inner part of the disk can thus be expected to
be exposed to a high ambipolar diffusivity and a decoupling of
the gas and the magnetic field, so that no very significant change
of the magnetic field strength is expected between 3 and 0.3 au.
This behavior in principle is analogous to the behavior during
gravitational collapse in the regime where the magnetic field de-
couples from the gas. While the presence of a disk phase will
give rise to further complexities, at least the order of magnitude
of the magnetic field appears to nonetheless stay in the range that
might be expected from simpler considerations.

3. Magnetic field evolution in fully convective
protostars

3.1. Field strength at protostar formation

As a starting point, we employ the fully convective protostar
models adopted by Moss (2003), and we use the B-n relation
(Eq. 1) to estimate the expected magnetic field strength for
the densities until densities of 1010 cm−3. Subsequently we as-
sume the magnetic field to be decoupled due to ambipolar diffu-
sion and thus constant, until recoupling in the density range of
1014 − 1017 cm−3 (Nakano 1988). After recoupling, we assume
an approximately adiabatic spherically symmetric contraction of
the protostellar cloud implying B ∝ n2/3. For the specific case
where a recoupling density of 1014 cm−3 is assumed, the ex-
pected field strength for the average protostellar density is given
in Table 1 for k = 1/2 and k = 1/3. In the first case, we obtain
field strengths in the range of 40–9000 G, while in the second
case the expected field strength is more moderate, and in the
range of 2 − 400 G.
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Table 1. Estimations with n0 = 100 cm−3, B1 and B2 are the mean mag-
netic field strength using k = 1/2 and k = 1/3, respectively, assuming an
additional flux loss αad = 10−2 due to ambipolar diffusion. Beq denotes
that equipartition field strength within the protostar that is required to
suppress convection. Here the recoupling between the density and the
magnetic field is assumed to happen at a number density of 1015 cm−3,
and subsequently to follow a spherically symmetric contraction. For the
purpose of comparison, we adopt here the fully convective protostellar
models employed by Moss (2003).

M∗ R∗ ρ̄ B1 B2 Beq
(M⊙) (R⊙) (kg m−3) (G) (G) (G)
1 13 0.64 166.34 7.72 341
1 6 6.53 780.85 36.24 955
1 3 52.23 3.1 × 103 144.98 2.4×103

1 2 176.27 7 × 103 326.20 4.1×103

1 1.8 241.80 8.7 × 103 402.71 4.8×103

3 22 0.40 120.81 5.61 1.5×103

3 15 1.25 259.88 12.06 2.5×103

3 13 1.93 345.99 16.06 3.1×103

3 11 3.18 483.24 22.43 3.8 ×103

3 9 5.80 721.88 33.51 5 ×103

5 45 0.08 40.59 1.88 1.6×103

5 30.5 0.25 88.36 4.10 2.7×103

5 21.6 0.70 176.17 8.18 4.3×103

5 19.3 0.98 220.67 10.24 5×103

5 18 1.21 253.69 11.78 5.5×103

3.2. Required field strength to suppress convection

We now aim to assess whether the magnetic field that is present
when the protostar forms would be sufficient to suppress pro-
tostellar convection. For this purpose it is central to estimate
the convective velocity 3c. Assuming convective energy trans-
port, we have (Kippenhahn et al. 2013; Schleicher & Mennickent
2017)

3c = 3s
√
∇ − ∇ad, (8)

with 3s the speed of sound in the protostar, ∇ = d ln T/d ln P
the physical temperature gradient and ∇ad = (d ln T/d ln P)ad
the temperature gradient under adiabatic conditions. The sound
speed in the interior can be evaluated as

3s =

√
GM

R
. (9)

The difference ∇−∇ad can be estimated as follows. From mixing
length theory, we can write (Kippenhahn et al. 2013; Schleicher
& Mennickent 2017)

Fconv = ρCpT
(

lm
Hp

)2 √
1
2

gHp(∇ − ∇ad)3/2, (10)

with ρ the density, Fconv the convective energy flux, Cp the heat
capacity at constant pressure, T the temperature, lm the mix-
ing length and g the gravitational acceleration. The quantities
in Eq. (10) can be expressed through the main properties of the

protostar: mass M∗, radius R∗, and luminosity L∗. We have

Fconv ∼
L∗

4πR2
∗

, ρ ∼
3M∗
4πR3

∗

, T ∼
µmp

kB

GM∗
R∗
, (11)

Cp ∼
5
2

kB

µmp
,

√
gHp =

√
kBT
µmp

∼

√
GM∗

R∗
, (12)

g ∼
GM∗

R2
∗

, (13)

with µ the mean molecular weight. Inserting these expressions
into Eq. (10) and solving for ∇ − ∇ad, we obtain

∇ − ∇ad =

2
√

2
15

2/3 (
Hp

lm

)4/3 L2/3
∗ R5/3

∗

GM5/3
∗

. (14)

Eq. (12) and (13) show that Hp ∼ R∗. While this may be a rather
crude approximation, it results from the assumption of consid-
ering only average properties within the protostar. The mixing
length is assumed to be of the order of the pressure scale height,
lm ∼ Hp ∼ R∗. For the protostellar luminosity, we assume the
maximum stellar luminosity derived assuming Kramer’s opacity
κ ∝ ρT−3/5, implying (Hayashi et al. 1962)

Lmax ∼ 0.6
(

M∗
M⊙

)11/2 (
R∗
R⊙

)−1/2

L⊙. (15)

For comparison, the equipartition field strength Beq calculated
from the convective velocity in Eq. (8) is plotted in Fig. 2 to-
gether with the expected B-n relation. When the convective ve-
locity estimated via Eq. (8) is less than the Alfvén velocity,

vA =
B√
4πρ
, (16)

we assume convection to be suppressed, and, as a result, the
magnetic field not subject to turbulent decay. We assume the B-
n relation given by Eq. (1) at densities up to 1010 cm−3, with
k = 1/2 and k = 1/3, while we adopt an approximately constant
magnetic field strength at larger densities, assuming recoupling
between the density and the magnetic field to occur in the density
range of 1014 − 1017 cm−3 (Nakano 1988). After recoupling, we
assume a rather spherical contraction of the protostellar cloud
implying B ∝ n2/3. For comparison we further added the ob-
served magnetic field strengths from a sample of intermediate-
mass T Tauri stars (Lavail et al. 2017).

The results both for the equipartition magnetic field strength
and the expected values based on the field strength - density re-
lation are given in Table 1 for the protostellar models employed
by Moss (2003), which were evaluated considering the average
protostellar density in the model. The required field strength are
in the range of 300 − 5.5 × 103 G, while the expected field
strength lie in the range of 2 − 400 G in case of k = 1/3 and
40 − 9 × 103 G for k = 1/2, in both cases assuming a relatively
early recoupling at 1015 cm−3. At least in the 1 M⊙ models during
the more contracted stages, the expected magnetic field strength
can exceed the equipartition field strength under some optimistic
assumptions (k = 1/2), though typically it appears to be be-
low the equipartition field strength. We overall conclude that the
suppression of convection via the initial magnetic field strength
may be hard to achieve via the typically expected B-n relations,
though occasionally it may be feasible if the initial scaling rela-
tion is closer to k = 1/2 and the recoupling of the magnetic field
occurs early on. Nonetheless as noted by Tayler (1987), some
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Beq - radiative core
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Fig. 2. Magnetic field strength as a function of the number density. The
blue and orange line indicate the magnetic field strength - density rela-
tion expected from gravitational collapse for the cases of k = 1/2 and
k = 1/3 based on Eq. (1). Ambipolar diffusion is assumed to set in at
a density of 1010 cm−3, while recoupling is assumed to occur at densi-
ties of 1014 − 1017 cm−3 following Nakano (1988). We subsequently as-
sume an approximately spherical contraction with B ∝ n2/3. The indigo
dots show the equipartition field strength for fully convective models,
the violet dots for models with a radiative core. Green triangles are sur-
face magnetic field strength observed in intermediate-mass T Tauri stars
from the sample of Lavail et al. (2017).

significant effects may occur even for weaker fields, as the tur-
bulent motions can be expected to tangle the field and reduce its
scale, while simultaneously increasing its field strength. Once
the equipartition field strength is reached locally on a scale d,
then further tangling will be prohibited close to the magnetic
flux rope. The field strength within the rope was shown by Tayler
(1987) to be

Brope ∼ Bi

(R∗
d

)2

, (17)

where Bi is the field strength at protostar formation. The largest
value can be obtained when d ∼ lm. We saw above that within
the approximations used here, d ∼ R∗, though this may have to
be revisited via more detailed models.

3.3. Estimates of protostellar resistivity

Our subsequent considerations concerning the decay of the mag-
netic field require an estimate of the physical resistivity. In prin-
ciple the physical resistivity can be calculated as the Spitzer re-
sistivity via

ηS ∼
Zie2m1/2

e lnΛ
(kBT )3/2 ∼ 300

( T
5 × 106 K

)−3/2

cm2 s−1 (18)

with Zi = 1 and lnΛ ∼ 20 the Coulomb logarithm. The main de-
pendence is then on the temperature T , which can be evaluated
from the protostellar model. In a turbulent system, the effective
resistivity is however more likely to be given by turbulent resis-
tivity. Following Väisälä et al. (2014), we have

ηturb =
3c

3kc
(19)

with kc = 2π/lm, where we have taken the driving scale of the
convection lm to be comparable to the mixing length. Following

Table 2. Estimations of the Spitzer and turbulent resistivity parameters
for the fully convective protostellar models adopted by Moss (2003).

R∗ T∗ 3c ηS ηturb
(R⊙) (K) (m s−1) (cm2 s−1) (cm2 s−1)
M∗ = 1 M⊙
13 1.1×106 37.94 3.1×103 1.8×1014

6 2.3×106 33.35 9.6×102 7.4×1013

3 4.6×106 29.71 3.4×102 3.3×1013

2 6.9×106 27.77 1.9×102 2.1×1013

1.8 7.7×106 27.29 1.6×102 1.8×1013

M∗ = 3 M⊙
22 1.9×106 215.22 1.3×103 1.7×1015

15 2.8×106 201.91 7.3×102 1.1×1015

13 3.2×106 197.15 5.9×102 9.5×1014

11 3.8×106 191.74 4.6×102 7.8×1014

9 4.6×106 185.43 3.4×102 6.2×1014

M∗ = 5 M⊙
45 1.5×106 521.73 1.8×103 8.7×1015

30.5 2.3×106 488.98 9.9×102 5.5×1015

21.6 3.2×106 461.66 5.9×102 3.7×1015

19.3 3.6×106 453.07 5.0×102 3.2×1015

18 3.8×106 447.84 4.5×102 3.0×1015

this model, a summary of our estimated Spitzer and turbulent re-
sistivity parameters is given in Table 2. We overall conclude that
physical resistivity parameters should be roughly in the range of
1013 − 1015 cm2 s−1.

3.4. Field decay due to convection

In the following, we consider the evolution of the magnetic field
in a fully convective protostar. First, in the case of flux freez-
ing, adopting an initial radius Ri of the protostar and an initial
magnetic field Bi, this implies

B =
(

Ri

R∗

)2

Bi. (20)

In the case of turbulent decay, we consider the induction equa-
tion,

dB
dt
= −∇ × (ηturb∇ × B), (21)

where d/dt denotes the Lagrangian derivative following the ra-
dial inflow as the star contracts. If lB is the characteristic length
scale of the magnetic field, we can approximately write this dif-
fusion equation as

dB
dt
∼ −
ηturb

l2B
B. (22)

The resulting solution corresponds to an exponential decay. If
we also consider the effect of contraction of the protostar, an
approximate evolution equation is given as

B(t) = Bi

(
Ri

R∗

)2

exp
−ηturb

l2B
t
 . (23)

We note that the equation is based on some simplifying assump-
tions and in particular may not capture some effects due to the
inhomogeneity of the magnetic field. Particularly if the field
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Fig. 3. The fraction of magnetic flux that survives the turbulent decay
during the evolution of a fully convective protostar as a function of the
turbulent resistivity ηturb.

strength is locally above the equipartition value, our model may
overestimate the amount of turbulent decay. It however serves
to provide an approximate upper limit concerning the amount of
decay that could occur.

In Fig. 3, the fraction of the magnetic flux that survives the
decay of the magnetic field is given as a function of the turbulent
resistivity ηturb for different protostellar models. Our results are
similar to Moss (2003) in that we find more massive protostellar
models to favor the survival of magnetic flux compared to lower-
mass ones. However, it is important to note that around turbulent
resistivities of ηturb ∼ 1012 − 1013 cm2 s−1, the surviving flux
decreases considerably and approaches zero. A comparison with
Table 2) however shows that the expected turbulent resistivities
are always larger by more than two orders of magnitude than
what is needed for significant fractions of the magnetic field to
survive.

It is well known from observations that fully convective stars
can have strong dynamo-generated magnetic fields. This has
been studied in great detail for the long period system GJ 65
(Kochukhov et al. 2017; Shulyak et al. 2017), where both of the
fully convective M-dwarf components have masses of approx-
imately 0.12 M⊙ (Benedict et al. 2016; Kervella et al. 2016),
and similarly also for other low mass M-dwarf systems (Morin
et al. 2010). For such a dynamo to operate, the dynamo number
D defined by Eq. (6) needs to be larger than 7. Assuming fixed
convective velocities in the protostars as given in Table 2, the
latter requirement essentially translates into a condition on the
angular velocity of the star, given as

Ω >

√
7
9

vc

R
. (24)

For a typical convective velocity vc ∼ 30 m s−1 from Table 2,
and a stellar radius of about 2R⊙, this condition translates into a
rotation period of about 97 days or less. The operation of a dy-
namo in principle thus can be expected to be common. However,
as we discuss in Section 7 and as argued by Braithwaite & Spruit
(2017), such a dynamo-generated field is likely to significantly
decay when the star transitions towards a radiative phase, and
the remaining large scale field would be determined via helicity
conservation.
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Fig. 4. Expected time evolution of the fossil field in the star considering
the models by Palla & Stahler (1991, 1992) with a transition from a fully
convective to a radiative phase, for accretion rates of Ṁ∗ = 10−5 M⊙ yr−1

and 10−4 M⊙ yr−1.

4. Magnetic field evolution in protostars
transitioning from a convective to a radiative
state

Here in the first subsection, we will consider the accretion of
magnetized material onto radiative protostars. In the second sub-
section, we consider the interplay of accretion and decay during
the previous convective phase.

4.1. Accretion onto radiative protostars

Already Dudorov & Tutukov (1990) suggested that the transi-
tion of a protostar from the convective to the radiative phase
will be crucial for the survival of the magnetic field, and that
a critical mass for this transition could explain why chemically
peculiar stars seem to have at least about 2 M⊙. Indeed, in pro-
tostellar models with constant accretion rates, Palla & Stahler
(1991, 1992) found such a transition to occur. Assuming an ac-
cretion rate of Ṁ∗ = 10−5 M⊙ yr−1, they found this transition
to happen when the protostar reaches Mcrit,5 = 2.4 M⊙. In case
of a larger accretion rate of Ṁ∗ = 10−4 M⊙ yr−1, the transition
occurred later at Mcrit,4 = 4.5 M⊙ (Palla & Stahler 1992).

The transport of magnetic flux onto the protostar in general
is a difficult problem. We consider here the dimensionless mass-
to-flux ratio (Nakano & Nakamura 1978; Basu & Mouschovias
1994) in the form

λ =
2πG1/2M
Φ

, (25)

where M denotes the associated mass within radius R,Φ ∼ πR2B
is the magnetic flux and B the mean field strength penetrating
through the projected surface of the volume that is considered.
We recall that the critical mass-to-flux ratio is given by( M
Φ

)
crit
=

1
2πG1/2 , (26)

and corresponds to λ = 1. For gravitational instability to occur,
an initial condition of λ ≳ 1 is needed. Assuming ideal magneto-
hydrodynamics, Galli et al. (2006) and Shu et al. (2007) derived
a mass-to-flux ratio λd ∼ 4 for a newly-formed protostellar disk.
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On the other hand, observations of T-Tauri stars have inferred
mass-to-flux ratios λ∗ ∼ 103–104 (Johns-Krull et al. 2004). In
chemically peculiar stars, the most strongly magnetized stars
have mass-to-flux ratios λ∗ ∼ 103, while more typical values
are around 108 (Braithwaite & Spruit 2017).

In this regard, we recall our discussion in Section 2 based
on the disk model of Dudorov & Khaibrakhmanov (2014), who
find extremely low ionization degrees between scales of 0.2 and
10 au, such that the magnetic field decouples from the gas and
ambipolar diffusion becomes relevant. As a result, they find
magnetic field strength on both scales that are approximately
the same, implying a decrease of the magnetic flux by a factor
αλ = (0.2/10)2 ∼ 4 × 10−4.

To derive an evolution model for the magnetic fluxΦ∗ within
the protostar, we will assume in the following that any initial
magnetic field during the convective phase will decay very effi-
ciently, until the critical mass Mcrit is reached when the protostar
becomes radiative. We then assume it to evolve according to the
following evolution equation,

Φ̇∗ = αλ

[
λd

( M
Φ

)
crit

]−1

Ṁ∗, (27)

where λd ∼ 4 corresponds to the mass-to-flux ratio of the
disk normalized by the critical mass-to-flux ratio (M/Φ)crit, and
αλ ∼ 4×10−4 parametrises the magnetic flux loss during the disk
phase.

In order to calculate the typical stellar magnetic field strength
from the magnetic flux, we consider the protostellar models by
Palla & Stahler (1991) and Palla & Stahler (1992), with ac-
cretion rates Ṁ∗ = 10−5 M⊙ yr−1 and 10−4 M⊙ yr−1, respec-
tively, allowing to estimate the mean magnetic field strength as
B∗ ∼ Φ∗/(πR2

∗), with R∗ denoting the protostellar radius. The
quantity of interest from an observational point of view is the
magnetic field strength when the star has contracted to the main
sequence, for which we adopt an approximate mass-radius rela-
tion(

R∗
R⊙

)
∼

(
M∗
M⊙

)0.57

. (28)

Evaluating the magnetic field strength with this quantity and
plotting it as a function of M∗, the only difference between the
cases with different accretion rates are due to the effect of the
different critical mass when the transition occurs. The results
from the two specific models with Ṁ∗ = 10−5 M⊙ yr−1 and
10−4 M⊙ yr−1 are given in Fig. 4. We of course note that even
more variability is conceivable, considering that the accretion
rate could have different values and also be dependent on time.

4.2. Turbulent decay in the presence of accretion

In the calculation above, as we considered the radiative proto-
stellar phase, we assumed that magnetic flux is conserved once
it is accreted onto the protostar. During the previous convective
phase, on the other hand, it is exposed to turbulent decay. While
in Section 4.1 we made the simplifying assumption that this de-
cay was very efficient, with no relevant magnetic field being left
over from the convective phase, we now relax this assumption
and consider the interplay of accretion and decay. For this pur-
pose, we will formulate Eq. (27), the evolution equation of the
protostellar magnetic flux, as an evolution equation for the mag-
netic field. This further allows to combine it with the framework
to describe the decay of the magnetic field developed in Section
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Fig. 5. Expected fossil field as a function of ηturb, considering turbulent
decay in the presence of accretion at the time t f = Mcrit/Ṁ. We adopt
here the characteristic properties of the Palla & Stahler (1991, 1992)
models for the convective phase of the protostar.

3. We obtain:

Ḃ∗ = α
[
πR2
∗λd

( M
Φ

)
crit

]−1

Ṁ∗ − ηturb
B∗
l2B
, (29)

where R∗ is the protostellar radius when the protostar reaches a
mass M∗. We recall that η denotes the turbulent resistivity in-
troduced above, while lB is the characteristic length scale of the
magnetic field. With the magnetic field being determined by the
protostellar accretion process, we adopt lB ∼ R∗.

Following Palla & Stahler (1991), we consider the case with
a protostellar accretion rate Ṁ∗ = 10−5 M⊙ yr−1, adopting an ap-
proximate protostellar radius of 1011.5 cm. The protostar remains
convective until it reaches a mass of 2.5 M⊙. Similarly, consid-
ering Palla & Stahler (1992), we adopt a protostellar radius of
1011.7 cm. It remains convective until reaching a mass of 4.5 M⊙.
The strength of the magnetic field at the time t f = Mcrit/Ṁ∗
when the mass of the accreting protostar reaches Mcrit, is shown
in Fig. 5 as a function of ηturb. Our results are similar to the re-
sults for the 5 M⊙ protostar considered in Section 3.4, though
still imply that the magnetic field would decay efficiently in the
presence of realistic resistivity parameters.

5. Protostellar models with a radiative core

Protostellar evolution is complex, and the behaviour in the outer
layers may depend sensitively on how accretion happens as a
function of time. In the simulations by Klassen et al. (2012),
the evolution and accretion of a massive protostar was followed,
developing a radiative core after some time. We here explore the
implications of such a model. We assume the radiative core to
form at a critical mass Mcrit, and denote the mass of the core as
Mcore and its radius as Rcore. For simplicity we assume the core
mass to be constant, while the mass of the envelope is expected
to increase due to the accretion rate Ṁ∗. We also assume the
accretion rate to be constant, at least on average.

Here we adapt our model for convection in a fully convective
star to the case of a convective envelope around a radiative core.
We have

Fconv ∼
L∗

4πR2
∗

, ρenv ∼
3(M∗ − Mcore)
4π(R3

∗ − R3
core)
∼

3(M∗ − Mcore)
4πR3

∗

. (30)
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From the equation of hydrostatic equilibrium,

dP
dr
= −

Gm
r2 ρ, (31)

with P the pressure, r the radial coordinate and m the mass en-
closed in radius r. The pressure in the envelope Penv can be esti-
mated via

Penv

R∗ − Rcore
∼

GMcore

R2
∗

ρenv. (32)

The relation between pressure Penv and temperature Tenv is given
as

Penv =
ρenv

µmp
kBTenv. (33)

We thus obtain

Tenv =
GMcore(R∗ − Rcore)

R2
∗

µmp

kB
. (34)

Using

Hp =

∣∣∣∣∣ dr
d ln P

∣∣∣∣∣ ∼ Penv

ρenvgenv
, (35)

we further have:

√
genvHp =

√
kBTenv

µmp
∼

√
GMcore(R∗ − Rcore)

R2
∗

,

genv ∼
GMcore

R2
∗

. (36)

Inserting these expressions in Eq. (10), we obtain

∇ − ∇ad =

2
√

2
15

2/3 (
Hp

lm

)4/3

×
L2/3
∗ R8/3

∗

GMcore(M∗ − Mcore)2/3(R∗ − Rcore)
. (37)

Using this expression, we can calculated the convective ve-
locity in the protostar using Eq. (8), employing the speed of
sound in the envelope, which we estimate as

3s,env =

√
GMcore

R∗
. (38)

Using this formalism, we can follow the decay of the magnetic
field as in Section 3.4. Particularly, we adopt here the models for
the protostars with 3 M⊙ and 5 M⊙, but modify them to include
a radiative core, which we take to be 1 M⊙ and 2.5 M⊙, respec-
tively. We take the size of the radiative core to be 30% of the
protostellar radius. Under these assumptions, we calculate the
evolution of the magnetic field within the radiative core. The re-
sults are included in Fig. 2 for comparison with the fully convec-
tive models. We find that the required field strength to suppress
convection are very similar but slightly reduced compared to the
case of fully convective protostars. In principle we thus conclude
that a radiative core would not strongly alter the evolution of the
magnetic field.

6. Interaction of fossil field with core dynamo

We have seen in the above that fossil fields can survive the proto-
stellar phase if the protostar becomes radiative so that the field is
not exposed to turbulent decay, or if convection in the protostar is
suppressed or unexpectedly inefficient. An alternative possibil-
ity that is sometimes discussed concerns the origin of magnetic
fields in the convective core of radiative stars, or the possible in-
teraction of a core dynamo with the fossil field. Indeed, the cores
of A-type stars indeed have long been suspected to harbor dy-
namo action (Krause & Oetken 1976), a possibility that has been
confirmed via 3D magneto-hydrodynamical simulations by Brun
et al. (2005). The presence of such a dynamo may produce mag-
netically buoyant structures which may rise to the surface, a pos-
sibility that was confirmed by MacGregor & Cassinelli (2003)
via numerical simulations for O and B stars. On the other hand,
MacDonald & Mullan (2004) have pointed out that including re-
alistic compositional gradients would severely prohibit the rise
of magnetic flux tubes, and requiring a very high field strength
for this mechanism to work, for plasma β parameters (defined
as the ratio of thermal over magnetic pressure) of the order 0.1,
which may then produce surface magnetic field strengths in the
range of ∼ 100 − 1690 G in their models. Obtaining such low
values of plasma β may however be a significant challenge, and
the small flux tube required for the rise of the magnetic field
are not necessarily compatible with the coherent magnetic field
structures suggested by observations.

Normally in the presence of a core dynamo, one would ex-
pect field strength of the order to the equipartition field strength
introduced above (Eq. 4). In the presence of a toroidal fossil
field, however, Featherstone et al. (2009) have shown that the
behavior of the dynamo changes, and it produces magnetic en-
ergies about 10 times the kinetic energy of the convection, i.e.
Bcore ∼ 3Beq. In the simulations by Featherstone et al. (2009),
the probability distribution function shows a power-law behavior
scaling as B−1, and the emergence of such types of power-laws
is also suggested in the review by Brandenburg & Subramanian
(2005). MacDonald & Mullan (2004) considered the rise of flux
tubes with sizes between 10−2 and 10−4 times the pressure scale
height, indicating that these structures are at least a few orders of
magnitude smaller than the radius of the core. Assuming such a
power-law type behavior, we then consider peak magnetic field
strength of Bpeak ∼ αBcore ∼ 10αBeq, where as a fiducial value
we adopt α ∼ 103 that could be attained on the small scales con-
sidered here. The corresponding magnetic pressure is then given
as

Pmag =
B2

peak

8π
. (39)

We estimate thermal pressure in the core via

Ptherm =
ρcore

µmp
kBTcore, (40)

and Tcore can be estimated via the expressions in Section 3.2.
We here adopt the protostellar evolution models of Palla &
Stahler (1991, 1992) with accretion rates of 10−5 M⊙ yr−1 and
10−4 M⊙ yr−1, respectively. In the first case, the convective core
has a mass of about 1 M⊙ with a radius of ∼ 0.45 R⊙ (final stel-
lar mass 8 M⊙ and radius 3.6 R⊙), in the second case the core
consists of about 3 M⊙ with a radius of ∼ 0.9 R⊙ (final stel-
lar mass 15 M⊙ and radius 5.7 R⊙). The respective values of
β = Ptherm/Pmag are given in Table 3; we of course emphasize
that these are estimates with some uncertainties and the mecha-
nism requires the presence of a fossil field with toroidal structure
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Fig. 6. Interaction of fossil field via core dynamo. Left: Small convec-
tive core, amplification of magnetic field but not strong enough to rise
to the surface. Right: Large massive core, production of strong fields,
flux tubes reaching the stellar surface. Circles indicate convective re-
gions within the protostars, arrows represent radiative regions.

Table 3. Estimations of β = Ptherm/Pmag for flux tubes generated by the
convective core dynamo due to the interaction with the fossil field.

Mcore Rcore Ptherm Pmag β
(M⊙) (R⊙) (Pa) (Pa)
1 0.45 1.95 × 1014 3.6 × 1014 5.38
3 0.9 1.10 × 1015 4.6 × 1015 0.237

to be operational. For the case with a convective core of ∼ 1 M⊙,
our estimated value of plasma β is of the order 5, and it seems
unlikely to be able to fulfill the conditions where it could raise to
the surface, as suggested by the criteria of MacDonald & Mullan
(2004). On the other hand, for the more massive core of ∼ 3 M⊙
in the second model, we obtain β ∼ 0.24, and a relevant con-
tribution to the surface magnetic fields seems then conceivable.
The two possible scenarios are summarized in Fig. 6.

7. Discussion and conclusions

We have assessed here the possible origin of magnetic fields
in chemically peculiar stars, considering the survival of inter-
stellar medium magnetic fields during the pre-main sequence
evolution of intermediate mass stars. For this purpose, we have
considered a range of possible scenarios, including fully con-
vective protostellar models as proposed by Siess et al. (2000),
for intermediate-mass protostellar models with a transition from
a convective to a radiative phase (Palla & Stahler 1991, 1992,
1993), as well as models that include a radiative core during the
protostellar evolution, as found e.g. by Klassen et al. (2012).

In the case of fully convective models, we find similar re-
sults as Moss (2003), in the sense that more massive protostars
tend to somewhat favor the survival of magnetic flux within the
star, though the expected turbulent resistivities in this regime
are likely too strong so that efficient decay should be expected.
Considering further the observed B-n relation in the interstel-
lar medium, as well as the expected flux loss due to ambipolar
diffusion (see, e.g., Desch & Mouschovias 2001; Nakano et al.
2002; Masson et al. 2016), it seems difficult that the expected
magnetic field strength would be sufficient to suppress the con-
vective decay; such a scenario would require a steeper magnetic
field strength - density relation, perhaps in occasional cases of a
more spherical collapse, and/or an environment where ambipo-
lar diffusion is less relevant, for example due to locally increased
cosmic ray ionization.

A promising alternative are the Palla & Stahler models sug-
gesting a transition from a convective to a radiative phase in the
protostar. Such a transition was already envisioned by Dudorov

& Tutukov (1990) to strongly alleviate the problem of the sur-
vival of magnetic fields, and our results show that such mod-
els may naturally explain the observed magnetic field strength
in Ap/Bp stars. Such a mechanism may also naturally explain
that the phenomenon of peculiar stars does not exist below the
mass range of 1.5 M⊙, and could further explain the observations
that the fraction of large-scale magnetic fields increases towards
larger stellar masses (Aurière et al. 2007). To predict and com-
pare theoretical expectations with observational results, more de-
tailed studies are necessary both concerning the expected (time-
dependent) accretion rates of the protostars, as well as their effect
on the protostellar structure, to understand how the latter will af-
fect the survival of the magnetic fields.

We further considered the possible interaction of magnetic
flux accretion and turbulent decay, where we found the turbulent
decay to be the dominant process and the presence of ongoing
accretion to not significantly affect the scenario. Similarly, we
checked about the implications of a radiative core in the pro-
tostellar model, though not finding it to significantly alter the
overall picture.

Regarding the presence of a core dynamo in radiative stars,
in principle we find it difficult for the latter to significantly con-
tribute to the observed structure. First, as shown by MacDonald
& Mullan (2004), small flux tubes with plasma β parameters of
order 0.1 would be needed for them to rise to the surface and
thus to potentially become observable. We find here that this may
only be the case if there is an enhancement of the core dynamo
due to the presence of a fossil field, as reported by Featherstone
et al. (2009), and if the core is sufficiently large, as predicted
in the protostellar models with larger accretion rates by Palla &
Stahler (1992).

A possibility we did not pursue here in detail concerns the
presence of a protostellar dynamo during the convective phase
of the protostellar evolution and the question of how much of
such a dynamo-generated field could be left over when the con-
vective zone retreats to the surface, as outlined e.g. by Stahler &
Palla (2004). An explanation of the fields in chemically peculiar
stars via such a scenario in principle is difficult. A qualitative de-
scription of this transition has been provided by Braithwaite &
Spruit (2017) in their Section 4.5, on which we aim to follow up
here. The magnetic structures created by the dynamo are likely to
be relatively thin, and may then at least partially annihilate each
other, rather than creating a strong large-scale field. Due to being
a conserved quantity, magnetic helicity is likely to be important
in this process. Assuming that the magnetic fields produced by
the dynamo have a length scale l ∼ αR∗, then the number of such
volumes within the star corresponds to R3

∗/l
3. Assuming such a

volume has a magnetic energy EB, the total magnetic energy is
α−3EB.

On the other hand, if we calculate the magnetic helicity, such
a volume may have a helicity EBl, though they will be randomly
oriented. As a result, the total helicity can be estimate via a ran-
dom walk, implying

Htot = α
−1.5EBl = α−0.5EBR∗. (41)

Now assuming that the field forms a configuration aligned over
a stellar diameter, helicity conservation implies that the energy
in that field would be 0.5α−0.5EB, i.e. a small fraction of the total
magnetic energy produced, namely 0.5α−2.5. Even with α ∼ 0.1,
this implies that a fraction of ∼ 1/632 of the total magnetic en-
ergy could go into the large-scale field, and likely the fraction
could even be smaller in realistic scenarios. As further men-
tioned by Braithwaite & Spruit (2017), it is not enough to ex-
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plain some magnetic field strength that is observed, but more im-
portantly an explanation is required why only sometimes strong
magnetic fields are being produced, and models must be consis-
tent with the observed bimodality in the stellar field strengths.
This is not to say that such a dynamo effect would not be rele-
vant, though; particularly the detection of weak magnetic fields
in Sirius and Vega suggests that some minimum magnetic field
strength might always be present, and a protostellar dynamo
might be a mechanism that could guarantee that at least for a
large range of cases.
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