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ABSTRACT
We consider the application of relative self-calibration using overlap regions to spectroscopic
galaxy surveys that use slitless spectroscopy. This method is based on that developed for
the Sloan Digital Sky Survey by Padmanabhan et al. in that we consider jointly fitting and
marginalizing over calibrator brightness, rather than treating these as free parameters. However,
we separate the calibration of the detector to detector from the full-focal-plane exposure-to-
exposure calibration. To demonstrate how the calibration procedure will work, we simulate the
procedure for a potential implementation of the spectroscopic component of the wide Euclid
survey. We study the change of coverage and the determination of relative multiplicative errors
in flux measurements for different dithering configurations. We use the new method to study
the case where the flat-field across each exposure or detector is measured precisely and only
exposure-to-exposure or detector-to-detector variation in the flux error remains. We consider
several base dither patterns and find that they strongly influence the ability to calibrate, using
this methodology. To enable self-calibration, it is important that the survey strategy connects
different observations with at least a minimum amount of overlap, and we propose an ‘S’-
pattern for dithering that fulfils this requirement. The final survey strategy adopted by Euclid
will have to optimize for a number of different science goals and requirements. The large-scale
calibration of the spectroscopic galaxy survey is clearly cosmologically crucial, but is not the
only one. We make our simulation code public on github.com/didamarkovic/ubercal.

Key words: instrumentation: detectors – methods: statistical – cosmology: observations –
large-scale structure of Universe.

1 IN T RO D U C T I O N

The analysis of intrinsic galaxy clustering inherently relies on ac-
curate sample density calibration. Any fluctuations in the density
of galaxies caused by miscalibration have the potential to be misin-
terpreted as being of astrophysical origin, which would bias mea-
surements. For cosmological applications, it is large-scale relative
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calibration that is important, as the signal lies in the fractional vari-
ation of galaxy density, rather than the absolute value. It is also not
the calibration of individual galaxies that is important, but large-
scale variations of the average calibration. Such relative calibra-
tion has been shown to be a dominant systematic in current large-
scale clustering measurements from the Sloan Digital Sky Survey
(SDSS; Ross et al. 2011, 2012; Ho et al. 2012; Agarwal et al. 2014;
Vargas Magaña et al. 2014; Leistedt et al. 2016) and the Dark En-
ergy Survey (Crocce et al. 2016; Elsner, Leistedt & Peiris 2016;
Leistedt et al. 2016).
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For galaxy surveys using photometric redshifts, or spectroscopic
samples where targets are selected from imaging data, any angular
miscalibration of the photometry directly translates into spatial fluc-
tuations in the resulting spectroscopic catalogue. For spectroscopic
surveys, we also have to calibrate observation-dependent variations
in redshift measurement efficiency. The CMASS sample from the
Baryon Oscillation Spectroscopic Survey (Dawson et al. 2013), part
of SDSS-III (Eisenstein et al. 2011), has an average classification
completeness of 96 per cent. The high completeness means that
variations in spectral signal-to-noise (SNR) only have a small ef-
fect on the measured catalogue, as most redshift measurements are
secure even at lower SNR. Future surveys, which propose to make
spectral measurements that have emission line SNR that is closer to
the limit required for redshift measurement, will be more sensitive
to spectrophotometric calibration, and have lower overall complete-
ness, i.e. the calibration is sensitive to the gradient dngal/dSNR at
the emission line SNR required for redshift measurement. There-
fore, the local flux limits in the survey or, equivalently, the local
magnitude zero-points must be determined and corrected. This is
the process of calibration.

Euclid (Laureijs et al. 2011; Amendola et al. 2013) is the second
medium-sized (M-class) mission in the ESA cosmic vision pro-
gramme and will cover two primary probes of cosmic large-scale
structure: weak lensing and gravitational clustering. Based on these
two probes, Euclid will map out the underlying distribution of dark
matter in the Universe, as well as constrain the cosmic expansion
history and therefore the equation-of-state parameter of dark energy.
For each probe the telescope will simultaneously investigate, a sepa-
rate instrument is being built: the VISual (VIS) instrument (Cropper
et al. 2014) for imaging in the optical, and the Near-Infrared Spec-
trometer and Photometer (NISP) instrument (Maciaszek et al. 2014)
for imaging and slitless spectroscopy in the near-infrared (NIR). In
order to achieve its scientific goals, the Euclid mission must be opti-
mized in a way that balances the requirements of these two primary
probes, with additional science goals.

Euclid will undertake a slitless spectroscopic galaxy survey us-
ing an NIR grism in the light path to decompose incident light. A
detection in the NIR imaging data will be used to locate the galax-
ies and provide the baseline for the wavelength solution for the
NIR slitless spectroscopy. The response of the grism is designed to
enable the detection and wavelength measurement of the Hα line
emitted by galaxies with redshifts 0.9 < z < 1.8. Whereas strong
fluctuations in the calibration of the NIR imaging data may scat-
ter galaxies back across this detection threshold, we do not expect
many galaxies for which we will have Hα detections failing to be
detected in a stacked NIR image. Therefore, the dominant depen-
dence will be on the spectrophotometric calibration of the grism
observations.

A review of the systematic uncertainties that need to be removed
from ground-based CCD (charge-coupled device) surveys is pre-
sented in Stubbs & Tonry (2006) and references therein, which
also compares calibration procedures. In general, the calibration of
measurements can proceed in a number of ways. The traditional
method for calibration is to match observations to standards with
known brightnesses, which is good at fixing the absolute calibra-
tion of individual objects. However, in order to calibrate a survey
using such a methodology, many observations of standards are re-
quired, with the observing frequency dependent on the rate of drift in
the measurement response. An alternative is self-calibration, where
measurements of the same object, taken using different overlap-
ping exposures within a single survey, are used to limit variations
between exposures (e.g. Padmanabhan et al. 2008). Such methods

are good at removing small-scale variations, but can have limited
sensitivity to large-scale drifts in calibration, which are spread into
a coherent small offset in a large number of overlaps. This is a func-
tion of survey strategy. Thus, regular observations of standards are
still required, but with lower frequency, to correct the large-scale
drifts. Recently, Finkbeiner et al. (2016), Shafer & Huterer (2015),
Holmes, Hogg & Rix (2012) and Schlafly et al. (2012) employed
and expanded upon the approach of Padmanabhan et al. (2008),
looking at the impact on survey design and possible other exten-
sions of the procedure. The procedure has been applied in the cases
of two ground-based surveys: SDSS and Pan-STARRS-1 (Kaiser
et al. 2010). However, Euclid is a space-based step-and-stare sur-
vey. Therefore, its calibration will not use large, interwoven, con-
tiguous scans to connect the different survey regions and epochs.
This will be achieved by returning to the same field(s) to monitor
the long-term instrument stability on large space- and time-scales
and with small overlaps of adjacent fields to ensure the stability
between those visits.

The overlap-based ubercalibration procedure developed by Pad-
manabhan et al. (2008) was applied to the SDSS imaging data and
provided relative photometry of the order of 1 per cent. The pro-
cedure performs a likelihood maximization, jointly fitting for the
parameters of their calibration model, having marginalized over the
magnitudes of stars in overlap regions. The calibration model was
designed to combine knowledge of the frequency of different po-
tential calibration changes and their form, with free parameters to
quantify the amplitudes. Here, we consider a similar approach for
calibrating the relative spectrophotometric component of the Euclid
survey, for a set of different observing strategy configurations. For
this component, we do not yet have a good model for the expected
variations in detector response, and so we consider two models
where the magnitude zero-point calibration is independently de-
termined for each full-focal-plane exposure, or for each detector in
each exposure. We assume that the absolute calibration will be done
independently. The absolute calibration can be considered to be on
the largest scale – that of the entire survey, but this is not discussed
in this paper. Assuming that the absolute calibration has determined
the total zero-point of the survey, the remaining non-uniformity of
the survey zero-points can be mitigated with relative calibration,
which is our subject of discussion.

We further split the relative calibration into three types of scales:
large, intermediate and small. The small scales are essentially only
the pixel-to-pixel flat-field uncertainties as considered in Holmes
et al. (2012). The intermediate scales, considered in this paper, are
the variations in the zero-points of the individual exposures or at
least detector tiles of the survey. We leave the consideration of the
very largest scale, long-term stability of the calibration to future
work.

This paper presents a study on the optimization of the observing
strategy for the isolated purpose of spectrophotometric calibration.
We describe an overlap-based model for relative calibration set-
up to test the impact of the observing strategy on this type of
calibration. We have based our model observing strategies on some
of the expected Euclid configuration parameter values, but we also
made several simplifications, since we are only interested in the
relative results. The final Euclid strategy has to take into account
the visible channel as well as other limitation on survey strategy
to optimize joint measurements. Indeed, in this paper, we consider
parts of the parameter space that are presently forbidden for the full
Euclid case. However, this is justified since we expect that parts of
this space may become accessible in the future due to developments
during the Euclid optimization phase.
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We construct a simplified model of the Euclid spectroscopic sur-
vey with a random set of zero-point errors and describe the simula-
tion procedure in Section 2. In Section 3, we calculate the posterior
distribution of the calibration parameters and show the simplifica-
tions we make to find the optimal solution. In Section 4, we describe
the spectroscopic component of the Euclid survey and our simplified
model of it. We also describe the considered dither strategy and in-
strumental set-up. We then attempt to perform an ubercalibration of
our synthetic survey by finding a new, corrected set of zero-points by
minimizing a χ2-like miscalibration cost function. In Section 5, we
present the results of our simulations of the relative self-calibration
procedure. We summarize and conclude in Section 6.

2 SI M U L ATI O N PRO C E D U R E

We would like to simulate a realistic yet simplified synthetic survey
with a set of offsets of exposure zero-points to be calibrated, one
for each exposure taken.

To do this, we first take an input survey configuration and use the
MANGLE code (Swanson et al. 2008) to create the survey geometry
by inputting a list of rectangles in the form of MANGLE polygons,
representing the overlapping sets of exposures of the individual NIR
detectors. We then balkanize them into unique, non-overlapping
regions, which we call overlap tiles, while keeping track of the set
of detectors that cover each of them. We then treat these overlap
tiles separately. We discard any tiles that are covered with one or no
passes. We describe the implementation of this geometry further in
Section 4.

Secondly, we create the synthetic sky divided into overlap tiles,
from the information about stellar calibrator populations. For the
case of our simplified model of the spectroscopic component of
Euclid, the calibrator populations are described in Section 4.3. We
employ the simplification of only generating average magnitudes
optimally weighted over all the calibrator populations in each over-
lap tile, so that we may simulate only one value and its uncertainty
per overlap, thereby speeding up the calculation of the calibration
fit. This is described in more detail below in Section 2.2.

Nota bene, when creating the synthetic calibrator stars for the
use in our simplified ubercalibration, we never generate individual
dispersed spectra. Our analysis starts at the point where spectra –
or parts of them – have been integrated over, the fluxes converted
to magnitudes and the magnitudes averaged over the overlap tile.
For this, we neglect edge effects caused by the different dispersion
directions, and assume that we can calibrate using any part of the
spectrum that falls into the overlap region with an accuracy depend-
ing on the amount of that spectrum in the overlap region. In other
words, we are effectively generating weighted mean magnitude of
all the pixels in an exposure that we expect to belong to stars. Hence,
the number of calibrators that can be used can be approximated by
the number of calibrators with coordinates in the overlap region.

Indeed, working with the full spectrum may enable us in the
future to consider a chromatic dependence of the calibration and
therefore enable the study of the colour-dependent stability. We
leave this to future work.

We add the simulated average stellar calibrator fluxes to a ran-
domly distributed set of initial calibrations or initial zero-point errors
of the full field-of-view (FOV) exposures. The initial distribution
is assumed to have a width of σ k = 40 millimagnitudes (mmag)
in JAB magnitude, which corresponds to a 4 per cent scatter be-
tween the measured flux of full FOV exposures [as we show below
in equation (4)].

It is important to note that such an initial scenario of random and
independent initial zero-point scatter is unrealistic and should be
considered as the most significant approximation of this paper.

Finally, we perform our calibration procedure, which we describe
in more detail in Section 3 and find the standard deviation of the
best-fitting set of exposure calibration parameters {ki}, which we
call the final scatter, σ k

f . We use this as a quality metric for the final
uniformity of the survey (i.e. decrease in the scatter of the residual
zero-point) after our procedure. Note that the σ here represent the
scatter around the survey mean, since we would like to exclude
any absolute calibration error from our consideration. We are only
concerned with the resulting survey uniformity.

For simplicity and clarity, we first simulate the calibration of
entire exposures, taking the zero-point to be uniform over the focal
plane, not varying among detectors. In the second step, we consider
the relative calibration of individual detectors to see how much our
resulting calibration scatter degrades. We report on the results in
Section 5.

2.1 The spectrophotometric model

We now describe our simplified approach to modelling the inci-
dent calibrator brightness, the error on its measurement and the
zero-point offset in the measurement before relative calibration. We
simulate both the measurement errors (equation 6) and the zero-
point offsets of individual full-focal-plane exposures (equation 4)
below by generating them from their respective Gaussian distribu-
tions. We justify this by first discussing the model in terms of the
spectrophotometric flux, which is relevant particularly in our case of
slitless spectroscopy measurement. We convert the fluxes and their
scatter to magnitudes as is also done in the case of pure photometric
measurements by Padmanabhan et al. (2008).

2.1.1 In terms of incident calibrator flux

Ordinarily, we would like to make several measurements,1 F ADU
ij , of

the fluxes of our calibrator stars, F�
j . We would like to compare these

measurements between the different exposures, i, to calibrate the
exposures, optimizing for this task rather than for the optimal mea-
surement of the true fluxes. Following Padmanabhan et al. (2008),
we construct the following measured, F ADU

ij , and calibrated, F c
ij ,

quantities:

F c
ij = Ki

(
F ADU

ij − F 0
i

)
, (1)

where Ki is the multiplicative calibration and KiF
0
i is the total dark

current of exposure i. Here we assume that there is no variation in
the calibration across the detectors, i.e.

Ki(x, y) = Ki + Gi(x, y) = Ki with Gi(x, y) = 0 ∀(x, y),

(2)

where x and y are the pixel coordinates within the detector image
of exposure i (such a variation was studied by Holmes et al. 2012,
we briefly revisit their method with an updated configuration in
Appendix E). This assumption is a reasonable approximation at
this stage as we expect that the pixel-to-pixel flat-fields will be
constrained otherwise and that the fluctuations of fluxes within
the detector are strongly dominated by the fluctuations in the true

1 ADU stands for analogue-to-digital units in which flux is measured, oth-
erwise also called ‘counts’.
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fluxes of the calibrator objects. Therefore, we leave the impact of the
(possibly time-dependent) flat-field uncertainty on the calibration
to future study.

For self-calibration, we are only interested in obtaining the Ki

from equation (1) and regard the true stellar fluxes, F�
j , as nuisance

parameters. We assume the dark current to be successfully sub-
tracted prior to calibration, so we let F 0

i → 0 in equation (1). We
then take the −2.5log10 of equation (1) (cancelling the reference
object flux) and work with magnitudes from now on.

2.1.2 In terms of incident calibrator magnitude

The relative flux calibration, Ki, now becomes an additive constant,
ki:

mc
ij = mij + ki . (3)

Before moving on to the likelihood, let us consider the distribution
of calibrations. We can show that the width of the assumed Gaussian
distribution, σ k, of the exposure calibrations in magnitude, ki, relates
to the width, �K

j /F �
j , of the assumed lognormal distribution of

absolute calibration residuals in flux (magnitude zero-points), Ki:

σ k = �K
j

F �
j

2.5

〈Ki〉 ln(10)
≈ �K

j

F �
j

, (4)

since 〈Ki〉 = 1 can be assumed by requiring the absolute calibration
to have been corrected perfectly beforehand by subtracting the aver-
age flux over the whole survey (see also Appendix B). In words, this
means that the scatter in the fractional flux variation from calibration
equals the variation of additive magnitude calibrations. Note that
the Ki and therefore the ki are not measurement errors, but rather
the set of parameters to be determined. Their distribution should
therefore be used as a prior.

We now also assume2 that the measurements are distributed ac-
cording to a Gaussian distribution around the true value of the
magnitude. We can construct a multivariate likelihood from the
assumed probability distribution of residual ‘miscalibrations’, eij.
The likelihood will reach a maximum when the measured and cali-
brated magnitude mc

ij is precisely correct, i.e. equal to the true stellar
magnitude m�

j :

eij = mc
ij − m�

j = 0 (5)

and have the width σ ij for each of the stars j and exposures i. The
number of dimensions of the multivariate distribution will equal the
number of stars plus the number of exposures, N� + Nexp.

One may be inclined to assume that (i) the true stellar brightnesses
are completely independent, (ii) that there is no cross-covariance
between the stars and exposures and (iii) that the exposure calibra-
tions are independent from each other. The easiest to immediately
justify is assumption (i). Assumption (ii) on the other hand can be
understood as writing the variance of the eij as

σ 2
ij =

(
σ e−

i

)2

N
pix
j

, (6)

where the σ e−
i (x, y) is the measurement scatter in a pixel, at (x, y) in

the focal plane within exposure i. The (x, y)-dependence is excluded

2 Although this assumption does not impact our results, since we average
over the calibrators later on, in Section 2. Therefore, the central limit theorem
will apply largely, making the distribution of our final variables Gaussian or
nearly so.

from our analysis, because this flat-field calibration will be done
using other calibration techniques as mentioned above; therefore,
σ e−

i (x, y) = σ e−
i . It is important to note that the dependence of the

exposure-to-exposure variance on the star index j is artificial due to
selecting calibrator star image pixels from the full exposure. Below,
in Section 2.2, we easily integrate out the N

pix
j -dependence, by

averaging over all the calibrators in an overlap tile.
Finally, in order to assume independence of adjacent exposures

(iii), we must assume that the model of the decay in the detector
response is either negligible or effectively fully understood. The first
is unlikely to be the case, which in fact brings about the motivation
for self-calibration and this paper. We adopt the second assumption
for now, and leave the discussion to further work as it requires better
models of long-term behaviour of the instrument, but we stress here
that this stands to introduce a strong limit on the capability of the
relative calibration procedure.

Note that our notation is such that flux-related variables are cap-
italized and those in lower case are related to magnitudes. We note
that our approach differs somewhat from that of Padmanabhan et al.
(2008). First, the spectrophotometric model we are using is sim-
pler, because we are considering a space-based survey, where the
complex atmospheric effects do not apply. Secondly, we are con-
sidering different detectors. Whereas SDSS imaging used CCDs,
Euclid spectroscopy will be using H2RG NIR detectors (Beletic
et al. 2008). This means that the noise model will differ. However,
this is not relevant for the present modelling due to the simplifi-
cations we make. The final difference is our simplification, which
optimizes for the measurement of the exposure calibrations and
averages out any information about the individual fluxes of the
calibrator stars.

Throughout the paper, we use four types of indices: j always
indexes stars, i exposures, l overlap tiles and p stellar types or
‘populations’.

2.2 Simplified simulation of calibrators

We propose to simplify the simulation of calibrator stars needed for
the ubercalibration procedure. Instead of generating the individual
stars (indexed with j) from a known distribution (see Section 4.3),
we produce a single, weighted measurement for a contiguous region
of the FOV, where we assume that the calibration value will be
uniform. Ultimately, the shape and size of such a region depend
on our division of the calibration into different scales. A sensible
choice for such a region is what we call an overlap tile or overlap
region. Such overlap tiles can be seen as different shaded rectangles
(depending on the level of coverage) in Fig. 2.

The full-focal-plane exposures are fragmented into detector
squares and detector gap rectangles, which are further divided into
contiguous rectangles, each covered with the same set of exposures.
We refer to these latter rectangles as overlap tiles and denote them
with the index l. In such small patches, it can be assumed that the
total stellar surface number density, n�(α, δ) ∼ n�(b) = const for
b = 80◦, which is a conservative choice in calibrator density.

Therefore, we end up with a measured and calibrated set of l tile
means in exposure i:

mc
il = 1

N�
l

N�
l∑

j

mc
ij , (7)

where N�
l is the number of all stars with 13.5 < JAB < 20.5 in the

lth overlap tile and each mc
il is averaged over all stars, {j}, in an

overlap tile, l.
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In practice, we do not simulate the individual stars in order to
average over them, but find the mc

il from a weighted mean over
the stellar populations in different brightness bins (as we do in
Section 4.3). Assuming that the magnitude scatter depends only on
the magnitude bin, p,

σp =
(
σ e−

p

)2/√
N

pix
j ≈ rmsp = �int

/
F�

int, (8)

we drop the index j, assuming N
pix
j to be the same for all the

magnitude bins, in equation (6) and divide the sum in equation (7)
into p sub-sums, each time summing over all the p-type stars in the
area of the l overlap, N�

pl . We use the rmsp values of type-F stars
in Table 4 to be conservative as these have the largest scatter. We
obtain the N�

pl each time by drawing from a Poisson distribution
with mean = n�

pAl , having calculated the overlap tile area, Al, from
the survey geometry and the n�

p from Table 3 below. The σ �
p is the

intrinsic, true scatter in magnitudes of p-type stars.
Note that such a division into populations is only done to simplify

the simulation. When it comes to a real measurement of the stellar
magnitudes, this weighting can be done with any other set of errors,
which can be specified as it is deemed practical, which includes
having individual weights for all the individual stars. In order to
self-calibrate the survey using real data in the future, the full set of
calibrator stars, including variable stars and other outliers, will have
to be considered.

Then the mean measured flux of all the stars of brightness p in
exposure i of overlap tile l would be

mc
ilp = 1

N�
pl

N�
pl∑
j

mc
ij , (9)

and we can simply rewrite equation (7) as a weighted average:

mc
il =

∑
p

mc
ilpwpl

/∑
p

wpl, (10)

where the Poissonian optimal weights, wpl = N�
plσ

−2
p . Having as-

sumed the rms due to detector noise is exactly the same in each
exposure, i, in the survey.

Therefore, using equations (7) and (8), having summed over
the eij, the tile miscalibrations, eil = mc

il − m�
l are drawn from

Gaussian, N (0, σ 2
l ) with

σ 2
l =

(∑
p

wpl

)−1

. (11)

Since the ubercalibration procedure uses only the differences
between calibrated and true or mean values, we only ever generate
the eil from a Gaussian with the width given in equation (11), having
also generated the wpl using a Poissonian distribution of numbers
of stars as described above.

Note that we have made several simplifying assumptions when
we generated our synthetic calibrator averages. Before using this
approach, one should weigh its advantages against the disadvantage
of losing the ability to calibrate the flat-field. In our case, this is in
fact a desirable outcome as we have assumed the flat-field (or small-
scale, pixel-to-pixel) self-calibration will be achieved otherwise.
We do not expect our relative analysis below to depend on these
assumptions.

3 SE L F - C A L I B R AT I O N P RO C E D U R E :
L I K E L I H O O D O F Z E RO - P O I N T S

We would like to find the maximum of the posterior probability
distribution of the calibration values, irrespective of the true fluxes
of the calibrator stars. If P (ki, m

�
j ) = P (ki)P (m�

j ) is the Nexp × N�

multivariate Gaussian prior on our calibration and our stellar magni-
tude distribution, and P (mij |ki,m

�
j ) the likelihood of the measured

stellar magnitudes given the calibrations and the true values, we get
the posterior probability for the set of the calibration and true values
by Bayes to be

P (ki, m
�
j |mij ) = P (mij |ki, m

�
j )P (ki, m

�
j )

P (mij )
. (12)

However, we are only interested in the calibrations, ki, of exposures
i.

Similarly to the Padmanabhan et al. (2008) analysis, we would
like to marginalize over the true values of the stellar magnitudes to
obtain

P (ki |mij ) = P (mij |ki)P (ki)

P (mij )
. (13)

It can be shown that using mc
ij = mij − ki and equation (15) below

gives the −2 ln of the final posterior (modulo additive constants)
as

χ2
eff ({ki}|mij ) =

∑
ij

(
mc

ij − mc
j

)2

σ 2
ij

+
Nexp∑

i

(
ki

σ k

)2

, (14)

where we have rewritten the posterior as a function of the average
over N

exp
j exposures3 of each star, j, in order to obtain an estimator

of the true stellar magnitude, m�
j :

mc
j = 1

N
exp
j

N
exp
j∑
i

mc
ij . (15)

If the calibration correctly accounts for the systematic bias in the
measurement, this estimator will by definition be unbiased. This
simplifies the minimization routine as we do not need to explicitly
estimate calibrator brightnesses, but instead automatically marginal-
izes over their values. The intermediate steps can be followed in
Appendix C.

Finding the minimum of this with respect to the set of {ki} gives
us an unbiased estimate of the calibrations. However, the width of
their distribution can be estimated using the second derivative of
equation (14) only up to a Bessel correction factor.

To speed up the calculation of the χ2
eff in equation (14) by com-

pressing our calibrator data to only retain the information relevant
to the calibration we wish to perform, we use the quantities derived
in Section 2.2. As we do not need the measurements of individ-
ual stars, but rather derive the calibrations from the comparisons
of measurements between the same stars in different exposures,
we can perform an optimally weighted averaging over a contiguous
fragment of the sky that is imaged by the same set of exposures. This
rectangle-shaped overlap tile must by definition be smaller than a
detector image. Note that this only works because we are interested
in fixing the exposure-to-exposure variation in the calibration, leav-
ing any pixel-to-pixel variation in the flat-field to be constrained

3 Note that in order to compensate for the decreased scatter around the
measured mean, the denominator should be multiplied with the Bessel factor

σ 2
ij → (

N
exp
j −1

N
exp
j

)σ 2
ij .

MNRAS 467, 3677–3698 (2017)

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article/467/3/3677/2968007 by IN
AF Brera M

ilano (O
sservatorio Astronom

ico di Brera) user on 07 O
ctober 2020



3682 K. Markovič et al.

otherwise. We therefore split up the first sum in equation (14) into
No sets of stars in the full survey:

χ2
L(mij |{ki}) =

Nexp∑
i

No∑
l

N�
l∑

j

(
mc

ij − mc
j

)2

σ 2
ij l

, (16)

where N�
l is the number of stars, j, in overlap l, mc

j is the mean of all
calibrated measurements, i, of the stellar magnitude and σ ijl = σ ij

when star j appears in overlap l, but σ ijl = ∞ otherwise.
Then we can calculate the likelihood contribution to the effective

χ2 as

χ2
L (mil |{ki}) =

No∑
l

N
exp
l∑
i

(
mc

il − mc
l

)2

σ 2
l

, (17)

where mc
l =∑i mc

il/N
exp
l and where now N

exp
l is the number of

exposures that contain the tile l.
It can be shown that minimizing the χ2 in equation (14) with

either of the χ2
L will give the same set of calibrations, ki, with

a modified distribution in non-minimum solutions. Therefore, our
final χ2 equation is

χ2
eff ({ki}|mli) =

No∑
l

Nl∑
i

(
mc

il − mc
l

)2

σ 2
l

+
Nexp∑

i

(
ki

σ k

)2

, (18)

where in the first term the dependence on ki is in the mc
il .

Finding the set, {ki} that minimizes this equation (using equa-
tion 3) therefore gives an optimal set of calibrations to use to correct
the magnitude zero-points of the survey, {i}.

4 A S I M P L E M O D E L FO R T H E
S P E C T RO S C O P I C C O M P O N E N T
O F T H E EUCLID SURV EY

The Euclid satellite mission will consist of three channels using the
same 1.2 m telescope: visual imaging, NIR imaging photometry and
slitless NIR spectroscopy. The latter two will be performed using an
instrument with one set of NIR detectors and filter wheels to apply
different photometric filters and spectroscopic grisms. The photom-
etry will be in Euclid Y, J and H bands and the spectroscopy will
cover the wavelength range of 12 500–18 500 Å. In this paper, we
consider only the relative calibration of the spectroscopic channel,
but this analysis could in principle easily be extended to the other
two.

Each spectroscopic exposure will have an FOV covered by a
4 × 4 array of H2RG NIR detectors (Beletic et al. 2008). The base-
line survey strategy will be step-and-stare with slightly overlapping
adjacent pointings, each pointing will be dithered three times to
cover each field with approximately four dithered exposures.

To test calibration strategies, we construct a smaller, simplified
model of the spectroscopic component of the Euclid survey. In this
work, we consider a realization of the NISP instrument. The focal
plane is made up of Ndet = 16 detector squares. Each pointing of the
telescope includes four dithered exposures of the entire focal plane
and therefore generates a set of four 4 × 4 arrays of squares. Each
detector is made up of 2040-by-2040 pixels, which corresponds to
each detector covering an area of 612-by-612 squared arcseconds4

on the sky at the NISP magnification. The chip gaps between de-
tectors correspond to 50 and 100 arcsec horizontally and vertically,

4 Note that we round the detector size to the nearest 100 arcsec in our model
for simplicity.

Figure 1. Nine adjacent pointings, each containing four dithers, under the
unnatural (yet conservative) assumption that the sky is flat. Each pointing
is labelled with a number 0–8 and consists of 16 detector imprints. In this
plot, pointing #4 is highlighted in green, showing the n-pass coverage. Each
square corresponds to a single detector; the first exposure of each pointing
is highlighted in black, and the dithered exposures are shaded grey. The
black (or white) connected dots indicate the first pixel of the dithers of each
pointing.

respectively. We furthermore disregard pointing errors and assume
that each new pointing of the telescope starts exactly a chip gap
away from the edge of the first exposure of the previous pointing.
This is conservative in terms of calibration as it is likely that further
overlaps will result from a denser tiling actually applied. There-
fore, if the detector width x = y = 612 arcsec, and the chip gaps
xgap = ygap/2 = 50 arcsec, then one full-focal-plane exposure covers
approximately Aexp = Ndet(x + xgap)(x + ygap) ≈ 0.58 deg2 on the
sky.

4.1 Pointing

We consider a survey with Npoint pointings, each dithered Ndither

times. If Ndither = 1 and Npoint = 9, the set-up looks like the black
pattern in Fig. 1. In this figure, we emphasize only one dither
for clarity; however, in the rest of the paper, we consider the de-
fault of Ndither = 4 (matching Laureijs et al. 2011). Each pair of
(m, n) ∈ {1, . . . , Npoint}, {1, . . . , Ndither} respectively corresponds
to an exposure i.

As a simplification, we consider the sky to be flat; therefore, the
only source of overlaps is the dithering, having also assumed an
infinite pointing precision. There is no overlap between adjacent
pointings due to would-be Euclidean square tiling of the celestial
sphere. Furthermore, we assume no overlaps due to pointing error,
which do not have to be negligibly small in a space-based survey
like Euclid, where they are expected to be as large as 10 arcsec at
3σ . As is shown in Holmes et al. (2012) and below, irregularities in
the geometry of overlaps improve the power of the ubercalibration
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Table 1. Table of displacements in arcseconds for each dither pattern considered in this paper with the default dx = 50 arcsec and dy = 100 arcsec. The dxn

and dyn are the components of the (n + 1)th dither position vector in arcseconds with respect to the pointing position. The fourth column, r, is the scale of the
dither steps with respect to the reference model in Laureijs et al. (2011). The penultimate column, |d|, is the magnitude of the total displacement from the first
to the final dither. The last column, D, is the total telescope travel from first to last dither.

Pattern dx1 (arcsec) dy1 (arcsec) dx2 (arcsec) dy2 (arcsec) dx3 (arcsec) dy3 (arcsec) r |d| (arcsec) D (arcsec)

S 50 100 0 100 50 100 1.0 316.23 323.61
J 50 100 0 100 0 100 1.0 304.14 311.80
N 50 100 50 0 50 100 1.0 250.00 273.61
R 50 100 50 0 50 0 1.0 180.28 211.80
O 50 0 0 100 −50 0 1.0 100.00 200.00
X 0 0 50 100 0 0 1.0 111.80 111.80

procedure as this ensures that very different regions of the focal
plane can be sampled by the same calibrators. Therefore, since
our assumptions described here increase the regularity, we can be
satisfied that we are making a slightly conservative estimation of
the power of such self-calibration.

4.2 Dither patterns and coverage

The exposures will be slightly dithered in order to cover the parts of
the sky that would otherwise fall into the gaps between detectors.
Therefore, the coverage of the sky will produce a repeating pattern
of 4-, 3-, 2-, 1- and 0-pass regions. We parametrize this dithering
pattern with an array of three two-dimensional dither vectors. Each
two-dimensional array in Table 1 describes the displacement from
the previous dither position, starting at the position of the pointing:

d = [(dx1, dy1), (dx2, dy2), (dx3, dy3)
]

. (19)

For example, what we call the S-pattern for four dithers would look
like the following three consecutive displacements from (0.0, 0.0):

d(dx, dy) = [(dx, dy), (0.0, dy), (dx, dy)
]
, (20)

with dx = 50 arcsec and dy = 100 arcsec in all our reference
scenarios, which is chosen to exactly cover the inter-detector gaps
in the focal plane. Keeping the horizontal, dx, and vertical, dy,
displacements constant in the array, i.e.

dxn = dx1 and dyn = dy1, with dy = 2dx (21)

is something we do throughout this analysis to constrain the number
of patterns we need to explore.

However, in the sections below, we do vary the scaling, r, of the
total dither vector. Then

d = d(dx = rxgap, dy = rygap), (22)

and so r or, equivalently, the x-shift of the dithers, dx, fully constrains
the size of a given pattern.

In addition, we calculate the total distance the telescope must
move during dithering as

D =
Ndither−1∑

n=1

√
d2

xn + d2
yn . (23)

In this paper, we consider six different patterns named approxi-
mately according to the shape that a single pixel on the focal plane
describes during the full dithering of one pointing. The basic pat-
terns are S and J, the latter having been presented in Laureijs et al.
(2011) and used in our plots as a reference. It is worth recalling
that the reference solution is only one among those that fulfil all the
constraints and that was used to show the mission feasibility. In fact,

this solution is likely to change after the corresponding optimization
phase studies are completed.

Mirroring S and J across the diagonal gives N and R, respectively.
To that we add two very simple control patterns, O and X. These six
patterns could be split into three groups: S and N, J and R, O and
X in order of decreasing complexity. We choose these patterns on
the basis of how they connect survey area in the reference scenario.
S and its horizontal version N in the reference scenario do not
leave any gaps in the coverage and connect not only vertically, but
also horizontally to adjacent detector tiles and pointings. J and its
horizontal version R only connect vertically adjacent tiles. O and X
are studied simply as potentially overly simple patterns. The dither
vectors for these patterns can be seen in Table 1. Note that in the case
of dither steps larger than those in the reference scenario, the survey
quickly becomes entirely connected and the difference between the
patterns diminishes.

We show the regions of 4-, 3-, 2-, 1- and 0-pass coverage in Fig. 2
for a smallest repeating fragment (of the size of a detector and one
set of gaps) of the central region in a survey of nine tiled pointings,
each dithered four times in the default size (r = 1.0) of each of the
six patterns that we consider in this paper. We choose them such
that at a scale of r = 1.0 all the patterns have the same x-step,
dx = 50 arcsec (when not set to 0 by the pattern definition), and
require comparable amounts of spacecraft consumables, indicated
by the total telescope movement required to make the full dithers,
D. We wish to find the pattern and size that gives us the best returns
in the calibration for a similar amount of resources and without
negatively impacting the coverage.

Different dither patterns therefore result in different fractions
of coverage (see Table 2). Note that there is a difference to the
percentage reported in table 4.8 of the Euclid Red Book (Laureijs
et al. 2011). This is likely explained by the different assumptions
about the inter-pointing spacing in our simple model. Whereas the
Red Book assumes no inter-pointing spacing, in this paper we repeat
the inter-detector gaps when tiling the first exposures of different
pointings. This can for example be seen in fig. 4.18 in the Red
Book. Secondly, we do not consider any pointing errors in our
model survey.

As also seen in Fig. 1, we calculate this by constructing a sur-
vey mask of 3 × 3 pointings using the MANGLE code (Swanson
et al. 2008). Using the same code, we find the overlap regions that
are covered with 4, 3, 2, 1 and 0 passes. For this calculation, we
discard all the overlap regions that lie outside of the first exposure
of the central pointing, to which we count both the area of the 16
detectors as well as the gaps between them and half the gaps around
the exposure. In our set-up, this pattern of passes repeats exactly,
so even the region of one detector and its gaps (see also Fig. 2)
suffices for this calculation. We add together the areas in square
degrees covered by each number of passes. In Fig. 3, we show how
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3684 K. Markovič et al.

Figure 2. The n-pass overlap footprints of the S, J, N, R, O and X dithering patterns respectively from left to right and top to bottom. See also Table 1. What
is left white is not observed.

Table 2. Table showing per cent coverage of the survey region with 0, 1, 2, 3 and 4 overlapping exposures for different
dither patterns with the default dither size, i.e. dx = 50 arcsec and dy = 100 arcsec.

Pattern 0-pass 1-pass 2-pass 3-pass 4-pass

J 1.06 per cent 6.49 per cent 3.18 per cent 52.06 per cent 37.20 per cent
S 0.00 per cent 2.12 per cent 11.80 per cent 52.19 per cent 33.89 per cent
R 1.06 per cent 12.98 per cent 3.18 per cent 32.59 per cent 50.19 per cent
N 0.00 per cent 2.12 per cent 18.29 per cent 39.21 per cent 40.38 per cent
O 0.00 per cent 4.24 per cent 34.71 per cent 0.00 per cent 61.05 per cent
X 2.12 per cent 0.00 per cent 36.83 per cent 0.00 per cent 61.05 per cent

the coverage changes with the dither scale, parametrized by the x-
shift of the dithers, dx, for the S-pattern, dx = 50 arcsec being the
optimal choice to maximize 3- and 4-pass coverage with minimal
total displacement.

Note that the parameters and pattern of Laureijs et al. (2011)
were chosen on the basis of requirements other than ubercalibra-
tion. However, this paper is only concerned with this method and
therefore does not consider the effects of using different dither
patterns beyond the changes in coverage and the effectiveness of
relative calibration from overlaps.

4.3 Calibrator stars

We assume that relative calibrations are made using the brightness
of stars in overlap regions. We conservatively assume that no ex-
tended objects can be used. We use the Trilegal (Girardi et al. 2005;
Vanhollebeke, Groenewegen & Girardi 2009) model to generate
the calibrator star J magnitudes at different galactic latitudes (see
Fig. 4) in the AB photometric system (Oke & Gunn 1983). For the

analysis, we pessimistically choose to carry out our computations
with a low density of bright stars, typical of the high Galactic lati-
tude sky at b = 80◦. To obtain a robust estimate for this density, we
have extracted a virtual 10 deg2 field. The 10 deg2 patch is generated
from five 2 deg2 patches at the same galactic latitude and random
galactic longitude to calculate the average surface number density
and SNR. The results for stellar types F, K and M are shown in
Tables 3 and 4.

We check how realistic these models are with respect to the real
sky as measured by the VIPERS survey (Garilli et al. 2014). We
compare the numbers of stars and the scatter in their brightness
in the same magnitude bins as those in Tables 3 and 4, this time
generated for a galactic latitude of b = −57◦, with a 5 deg2 patch of
the 2-h W1 VIPERS field. The star–galaxy separation of VIPERS is
at magnitude iAB = 21.0, which yields 11 369 stars in the VIPERS
field. In the VIPERS control sample, the star–galaxy separation was
carried out using purely the size of the image without other assump-
tions for stars brighter than iAB = 21.0; therefore, it is extremely
reliable for these relatively bright objects (Guzzo et al. 2014). For
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Figure 3. Fractional coverage as a number of passes with dither vector
scaling, r, for the S-pattern of dithering. An r = 1.0 corresponds to the
first dither displacement equal to the detector gap, i.e. dx = 50 arcsec. The
magenta, green, cyan, red and black areas, stacked from bottom to top,
correspond respectively to 4-, 3-, 2-, 1- and 0-pass coverage of the survey
region. The vertical dotted black line marks where our survey geometry
algorithm becomes less reliable, since the last dither moves beyond the first
dither of the pointing.

Figure 4. Histogram of J magnitude (AB photometric system) of Trilegal
stars in a 10 deg2 patch of the Milky Way. All stellar types are shown, giving
235 689 stars in total at three different galactic latitudes, b = 40◦, 60◦, 80◦.

Table 3. Numbers of all the F-, K- and M-type stars with
magnitudes in a 10 deg2 patch at the Galactic latitude of
80◦: cumulatively, left and binned, right.

JAB limit n� JAB bin centre n�
p

<12.0 267 12.0 92
<13.0 550 13.0 192
<14.0 1028 14.0 319
<15.0 1892 15.0 602
<16.0 3402 16.0 975
<17.0 5949 17.0 1563
<18.0 9719 18.0 2343
<19.0 15 303 19.0 3321
<20.0 23 031 20.0 4288

Table 4. SNR of stellar fluxes using the Trilegal model as an input and sim-
ulating the measurement using the Euclid spectroscopic simulator, Imodel.
The rms is the root-mean-squared deviation from the ‘true’ stellar flux in-
tegrated over the 13 000–14 000 Å range of the simulated observed flux in
the same range. The expected SNR comes from the simple deviation of the
pixel-to-pixel flux of individual spectra around their extracted continua. All
these numbers are given for a high Galactic latitude (b = 80◦).

JAB Type rmsp 1/rmsp Expected SNRp

F 0.001 93 519.14 1335.70
14.0 K 0.001 61 620.77 1568.83

M 0.001 08 928.66 1568.83

F 0.002 52 397.27 834.26
15.0 K 0.002 18 459.62 931.34

M 0.001 68 594.18 931.34

F 0.003 56 281.01 442.22
16.0 K 0.003 48 287.26 487.80

M 0.002 85 350.84 487.80

F 0.006 42 155.85 209.71
17.0 K 0.006 16 162.23 217.57

M 0.006 53 153.23 217.57

F 0.015 94 62.74 80.55
18.0 K 0.015 13 66.11 87.80

M 0.013 72 72.88 87.80

F 0.041 02 24.38 32.86
19.0 K 0.043 86 22.80 35.70

M 0.039 62 25.24 35.70

F 0.110 44 9.05 13.53
20.0 K 0.107 42 9.31 14.58

M 0.079 90 12.52 14.58

stars fainter than iAB = 21.0, the loci of stars and galaxies start
to merge because of the noise, and the separation becomes less
reliable. Therefore, we use only the stars brighter than this limit.
Comparing to the Trilegal model, which gives us 11 124 with the
same magnitude cut, in the same field size, we are satisfied that the
numbers are close to reality, erring on the conservative side.

We then calculate the SNR from simulations of the NISP using
the TIPS code (Zoubian et al. 2014) and the Euclid baseline parame-
ters. We use the TIPS code to generate ‘measured’ two-dimensional
slitless spectra from ‘true’ one-dimensional stellar spectra using the
Pickles (1998) spectral templates. We measure the scatter of the
‘observed’ stellar fluxes around the ‘true’ fluxes given by the model
from the Pickles (1998) library. We do this by generating a num-
ber of simulations of observations of each star. Using the Imodel
(Garilli et al., in preparation) pipeline we simulate the detection
and extraction of the one-dimensional ‘measured’ spectrum of each
star, having subtracted the template continuum so as not to include
real continuum variations in the calculation of the noise rms. Stellar
spectra were generated as to reproduce stars with a range of mag-
nitudes, JAB = 14–20. We generated 70 spectra for each one of the
three spectral types, F, K, M, and for each magnitude bin, making
up a total of 1470 star spectra, which is the number of spectra that fit
in a regular, well-spaced grid avoiding overlaps. Since the spectra
are different for the three spectral types, the signal is different even
if the stars have the same apparent JAB magnitude. Therefore, we
generated a range of spectral types in order to map out the variability
in a real sky patch.

We then integrate the simulated single exposure spectra of se-
lected stars over the spectral range of 13 000–14 000 Å, over
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102 pixels at wavelength sampling of 9.8 Å pixel−1.5 The choice of
integration wavelength range was intentionally minimal in order to
be conservative to test that the method can still work even though
we are only able to extract a partial calibrator spectrum, giving us a
larger level of noise than if we had the full spectrum available. As
mentioned, we repeat this several times for each star. We measure
the spread of the distribution of the measured integrated fluxes, Fint,
for all the observations of each star, having kept the input ‘true’ flux
the same. This root mean square, rms = �int/Fint, is given in the rms
column of Table 4. For comparison, in the expected SNR column,
we give the simple pixel-to-pixel scatter of the flux around the ex-
tracted continuum in the same wavelength range of single spectra.
Since it does not include any error in background subtraction of flux
calibration, the latter is therefore a little optimistic.

For a further comparison, to gauge the spread in the incom-
ing signal related to the intrinsic spread of stellar fluxes, we con-
sider the numbers of three stellar types F, K and M (Cannon &
Pickering 1993) at a fixed JAB magnitude. Their numbers are given
on the right of Table 3.

We also make the following optimistic assumptions. The stellar
spectra are uncontaminated by adjacent objects on the sky that
would normally be typical for slitless spectroscopy. We do not
include cosmic rays. We assume that these effects would be minor
and will degrade the stability of the calibration less than including
more fainter stars will improve it. We make this assumption, because
we choose mostly very bright stars that should be proportionally
less contaminated by the fainter stars. Secondly, we assume that
contamination by adjacent stars will be roughly constant exposure to
exposure as the stellar density is roughly constant between adjacent
pointings.

On average, this results in an uncertainty (not including the zero-
point offsets) on the mean stellar magnitude in an overlap with an
area Al = 1 deg2 of σ l(Al) = 0.18 mmag. This is the average value
of what is used in the denominator of the first term in equation (18)
to serve as the weight in the optimization. It should be noted that
this is not to be taken as the uncertainty on the final measured
stellar magnitudes in the Euclid spectroscopic range. It is simply
the expected purely statistical scatter between the measurements of
the mean calibrator magnitude in an overlap patch of 1 deg2.

5 SIMULATION R ESULTS

We generate calibrated measurements of the magnitudes of calibra-
tor stars optimally averaged over each exposure, i, of each overlap
tile, l, according to Section 2. We use σ k

f as a metric of calibra-
tion improvement as it measures the final decreased scatter of the
residual zero-points over the survey in magnitude.

We find the set of exposure zero-point calibrations ki that min-
imizes equation (17) using a simple gradient descent method in
the likelihood, updating our parameter set, {ki}, until the χ2

eff in
equation (18) converges. The update rule uses the gradient of the
likelihood multiplied by a learning rate, which simply equals to a
quarter of the total error in an exposure, i, from all the overlap tiles,
l, it covers:

ki := ki −
No

i∑
l

mc
il − mc

il

σ 2
l

/ No
i∑
l

2

σ 2
l

, (24)

5 This resolution was specified in Laureijs et al. (2011), but note that this is
not the expected final NISP wavelength resolution. This should not influence
our relative results.

where No
i is the number of useful overlap tiles covered by exposure

i, and where now mc
il is the mean over all but the ith exposure in

overlap tile l.
We run two sets of simulations and calibrations. Both times we

assume that the large-scale variations are initially completely un-
constrained and the zero-point of each subsequent exposure is drawn
from a Gaussian with the width of σ k anew and is therefore inde-
pendent of all other zero-points. We consider any other variation of
the zero-point across one FOV to be due to the shape of the flat-
field and calibrated otherwise. As mentioned throughout this paper,
we also assume that there is no time variation of the shape of the
flat-field, but we allow the average of the flat-field to vary freely.
We describe the results in Sections 5.1 and 5.2.

5.1 Exposure to exposure

First, we follow the procedure as described above and vary the cali-
brations exposure to exposure. We generate a single zero-point error
for each full exposure of the focal plane, containing 16 detectors.
This corresponds to our first choice of split between large and small
scales. We take σ k = 40.0 mmag (or 4 per cent in flux) between
full-focal-plane exposures since this corresponds to a reasonable
required minimum for this quantity.

We collate the results of our exposure-to-exposure varying sim-
ulations in Figs 5–7, where we plot σ k

f , our quality metric that
quantifies the uniformity of the calibrations across the survey af-
ter our procedure. We find that at the reference value of Laureijs
et al. (2011), which corresponds to dx = 50 arcsec in the J-pattern,
the final scatter σ k

f = 4.3 mmag, meaning we are going from an
exposure-to-exposure stability of ∼4 per cent to ∼0.43 per cent in
flux after the relative re-calibration. However, at the same dx, the S-
pattern performs better and achieves a final scatter σ k

f = 1.8 mmag
or ∼0.18 per cent in flux. We obtain these numbers by calculating
an optimally weighted average over all the survey sizes consid-
ered (excluding the N = 1 case). Because the S-pattern means a
longer dithering vector with the same dx, we consider an S-pattern
with the same total dithering path as the nominal J-pattern, which
has dx = 48.17 arcsec. This still provides a large improvement
on the reference and results in a final flux calibration stability of
σ k

f ∼ 2.0 mmag (see also Fig. 6) in this very simple model.
To check that our results converge with the size of the survey

and are statistically robust, we repeat the calculation by keeping
the dx = 50 arcsec constant, and changing the number of pointings
in the square survey. In addition, we calculate several realizations
of each survey size and calculate their scatter. It can be seen from
Fig. 7 that σ k

f converges for all the patterns as the survey size is
increased.

5.2 Detector to detector

We then consider the relative effectiveness of our dither patterns
for the purposes of ubercalibration, if we make a different large-
and small-scale split. Therefore, we run a second set of simulations,
where we allow the calibration to vary detector to detector. The
procedure is exactly analogous as in the first set, with the difference
that now each exposure by each detector is treated as a new, inde-
pendent exposure and indexed with i. In this second case, where
we allow a scatter also between the 16 detectors in the focal plane,
we appropriately adjust the detector-to-detector zero-point scatter
to σ k = 160.0 mmag (or 16 per cent in flux) to keep the initial total
exposure-to-exposure scatter the same as in Section 5.1.
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Figure 5. The final scatter of exposure zero-points for six different dither
patterns described in this paper against the dither scale represented by the
general horizontal displacement of the dither in the RA direction, dx. The
black, green, red, cyan, magenta and yellow lines correspond to the so-called
J-, S-, X-, R-, O- and N-pattern, respectively. The black circle and dashed
vertical line mark the reference strategy.

Figure 6. The final scatter of exposure zero-points for six different dither
patterns described in this paper against the total dither distance, D. The black,
green, red, cyan, magenta and yellow lines correspond to the so-called J-, S-,
X-, R-, O- and N-pattern, respectively. The black circle and dashed vertical
line mark the reference strategy.

This does not fundamentally change anything in our analysis. It
is simply an alternative way to split up large and small scales. This
step is rather pessimistic, since it assumes a complete ignorance
about the relative zero-points of all the detectors as well as the zero-
point variation from dither to dither. We assume to only know the
distribution of these zero-point errors, which we again assume to
be Gaussian with a scatter of σ k as in Section 5.1.

We plot the results of our simulations of the calibration procedure,
where we have allowed the calibrations of the individual detector
tiles to vary in Figs 8–10. In Figs 8 and 9, one can notice that the
improvement of the survey uniformity at no dither displacement is
not as good as a factor of

√
Ndith = 2, from 40 to 20 mmag as one

may naively expect. This is most likely due to a combination of
three factors. The first and probably dominant effect is that we are
comparing the initial pure zero-point scatter, which is unknown, to
the final, measured zero-point scatter, which in a way includes the
measurement errors of the true mean stellar magnitudes. Secondly,

Figure 7. The final scatter of exposure calibrations for four of the six
patterns described in this paper for different survey sizes, but with the same
dither scale, r = 1.0, i.e. dx = 50 arcsec. We construct square surveys out of
an integer number of pointings, given on the x-axis. We find 10 realizations
of each configuration and plot their 1σ scatter (grey shaded region) and their
mean (coloured lines). The dotted lines are the weighted averages across all
the survey sizes with N > 1. As before, the black, green, red, cyan, magenta
and yellow lines correspond to the so-called J-, S-, X-, R-, O- and N-pattern,
respectively (some overlap).

we expect that the ubercalibration procedure introduces correlations
between the final zero-points whose exposures overlap with each
other, which makes the calculation of expected zero-point scatter
a little more complicated than a division with

√
Ndith. Finally, in

these two plots, we are only looking at one realization of the initial
scatter of calibrators, which means that the exact value is sensitive
to statistical fluctuations. It is also apparent from Fig. 10 that the
calibration quality converges more quickly with survey size in this
case than in Section 5.1. This is likely to be simply due to having
16 times more data points.

In this, more pessimistic scenario, the mean post-calibration
zero-point scatter between full exposure zero-points (i.e. averaged
over their 16 detectors) for the reference S-pattern is σ k

f = 4.0
and 7.7 mmag for the J, both with dx = 50 arcsec. Taking the
slightly smaller dx = 48.17 arcsec in the S-pattern again gives
σ k

f ∼ 4.8 mmag.
In this case, it is possible to see additional features around dx1 ≈

600 arcsec/2 = 350 arcsec, i.e. half of width of detector +100 arc-
sec vertical gap, meaning that dy1 = 700 arcsec, which corresponds
to a perfect vertical alignment (see Fig. D1 in Appendix D) of all
dithers and therefore a large fraction of 0-pass coverage for all the
patterns (for S, see Fig. 3). This feature indicates a decrease in
uniformity (increase in σ k

f ), since the survey becomes less intercon-
nected, which corresponds to a large 0-pass coverage, separating
the different connected regions. See also Appendix D for more
plots. The additional feature in this scenario corresponds therefore
to introducing a new typical scale of ∼0.5 detector + gap width.

We summarize the above results at the reference scenario dither
step (dx = 50 arcsec) in Table 5. We show the results from both
Section 5.1 as ‘exp-to-exp’ and Section 5.2 as ‘det-to-det’ for the
six base dither patterns considered in this paper. In the ‘det-to-
det’ case, we compute the scatter of the full exposure zero-points,
averaging over the zero-points of the 16 individual detectors in one
exposure. This is the same procedure used to produce Figs 8 and 9.

It is important to correctly split up the calibration into small and
large scales. The present technique is good for intermediate-scale
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Figure 8. The full exposure (averaged over the 16 detectors) calibration
improvement for different dither scales allowing detector-to-detector varia-
tion of zero-points. The zero-points of each detector exposure are allowed
to vary randomly.

Figure 9. The full exposure (averaged over the 16 detectors) calibration
improvement against the total dither distance, allowing each exposure with
each detector to have its own randomly chosen zero-point.

Figure 10. The calibration improvement against the survey size, this time
allowing each exposure with each detector its own randomly chosen zero-
point. Note that the y-axis scale differs from Fig. 7, because we are plotting
the detector-to-detector scatter. There are 16 detectors in each exposure in
this set-up.

Table 5. The scatter σk
f in mmag between exposure zero-points at the ref-

erence scenario (r = 1.0, dx = 50 arcsec, dy = 100 arcsec) in the upper
rows, and the r = 2.0 scenario in the lower rows, for all six types of pat-
terns considered in this paper. The initial total exposure-to-exposure scatter
σ k = 40 mmag in both the exposure-to-exposure (5.1) and the detector-to-
detector (5.2) case. The r = 1.0 (r = 2.0) are mean values calculated from
10 realizations of 50×50 (30×30) surveys for each scenario in the table.

Pattern r J S R N O X

exp-to-exp 1.0 4.3 1.8 5.4 1.9 19.9 19.9
2.0 0.9 1.0 0.7 0.7 0.8 1.1

det-to-det 1.0 7.7 4.0 11.4 4.4 20.3 20.1
2.0 2.6 2.4 2.2 2.2 2.3 2.6

calibration, but something more extensive is required for the small
scales. For example, one may calculate an average ln F for each
pixel over all exposures to calibrate the pixel-to-pixel zero-points.
This of course does not fix any time decay, where one should do
the opposite and average over all the pixels in each exposure or
detector and try to find long-term trends. Here we are studying
the intermediate step, calibrating the noisy exposure-to-exposure
zero-point variations.

Note also that for all dither patterns in both sets of simulations
the ubercalibration improves as the dither step is increased up to
the size of the section with a constant zero-point (exposure in Sec-
tion 5.1 or detector in Section 5.2). This is because this increases the
overlap between adjacent independent measurements of the calibra-
tor flux, eventually connecting the entire survey together. However,
as the step is increased, more telescope consumables are used up.
Therefore, an optimal trade-off should be found and the pattern with
the best trade-off should be used. Therefore, this paper shows that
S is the optimal pattern for ubercalibration giving the best stability
in exchange for the smallest telescope movement required.

6 C O N C L U S I O N

We have studied how the potential for undertaking an
ubercalibration-style retrospective relative self-calibration based on
matching the brightness of objects observed in overlap regions can
be taken into account in survey strategy design. In particular, we
have tested the efficiency of six dither patterns in determining a
highly stable intermediate-scale calibration of our simple model of
the spectroscopic component of the Euclid survey. In order to avoid
fitting for individual stellar brightness and significantly increase
the speed of calculation, we introduced a new simplification to the
calculation of Padmanabhan et al. (2008), averaging over all the
calibrator stars in all the relevant stellar populations, and fitting to
the mean. We have shown that the method is equivalent with the
standard assumptions of Gaussian errors.

We have conducted this analysis for the case of our simplified
simulations. In order to apply our methods directly to data, a more
complex study should be undertaken to test some of our assump-
tions. The Gaussian distributions of calibrator magnitudes would
have to be one of the issues considered as would the calibration on
intra-detector scales. The latter has been studied by Holmes et al.
(2012), which we briefly revisited in Appendix E. The former will
have to account for outlier calibrators, most importantly variable
stars, for example by replacing the means with medians, which are
more resistant to extreme values.

We have tested six dithering patterns, using six different dither-
ing vectors (see Fig. 2). The best performing in terms of coverage
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and calibration stability improvements are S and J as they cover
∼86 per cent and 89 per cent of the sky with >2 passes. Consid-
ering only exposure-to-exposure zero-point variations, the S- and
J-patterns in their reference size with dx = 50 arcsec improve cali-
bration stability from a distribution with rms of 40.0–1.8 mmag and
4.5 mmag, respectively. The 40.0 mmag baseline corresponds ap-
proximately to ∼4 per cent fractional rms variations in flux, and is
the required limit for the instrument and telescope stability. We have
shown how the ubercalibration procedure can be used to achieve
further calibration stability.

In addition, as Holmes et al. (2012) show, larger increases in
overlap between exposures with different zero-points generally tend
to result in a larger improvement in the power of the ubercalibration
procedure. Larger overlaps generally result from larger dither steps
up to the size of the repeating section of the exposure pattern.
However, large dither steps cost more in fuel and time, so there is a
clear trade-off with survey efficiency.

We have made some assumptions in this paper, whose impact on
the effectiveness of ubercalibration can be studied in the future.

First, we only considered scaling the same six patterns up and
down, but not changing the relative sizes of the steps. We believe
that this is sufficient to study the behaviour of the different dithering
patterns and stick to the simplicity of limiting the number of patterns
studied.

An important caveat in this analysis is that we only considered
a flat, Euclidean sky, which is not appropriate for large surveys.
However, we showed that the solution converges as we increase
the size of the survey and do most of our analysis on surveys of
20 × 20 pointings, which span ∼14.◦7 × 15.◦8 on the sky. Fur-
thermore, Holmes et al. (2012) have shown that irregular overlaps
improve the power of the ubercalibration procedure, so we are
making a conservative assumption.

Our study has only used the calibrator distribution of one Galactic
latitude with a relatively low density. However, our relative conclu-
sions are only weakly dependent on the density of calibrators. A
higher calibrator density is expected to improve the results slightly.

We neglect any uncertainty in the flat-field. Including it would
generally add parameters that need to be constrained due to the
parametrization of the flat-field. We have done this in order to focus
on zero-point calibrations on large scales, which are most relevant
to measurements of cosmological large-scale structure statistics.
We assume that the intra-detector flat-field parameters as well as
their evolution will be constrained well using other calibration and
self-calibration techniques.

Studying the time evolution of the exposure-to-exposure and
detector-to-detector variations is out of the scope of this work. It is
however expected that models will be available to describe this evo-
lution and therefore the calibration method would be designed to fit
parameters of this model, rather than the calibrations of individual
exposures, assuming that there is no other information.

It is important to keep in mind that all these assumptions make
this a toy model and the resulting large calibration stability should
not be taken at face value. One should consider mostly the relative
result when comparing the survey strategies. Further studies taking
into account better models of instrument stability and better error
modelling are needed to predict the power of ubercalibration for
Euclid.

We have presented a study of the optimization of the Euclid NIR
survey geometry with the sole focus on the large-scale calibration.
We have shown that relative calibrations can be significantly im-
proved by choosing certain steps and patterns. Because, as seen
most clearly in Fig. 5, the ubercalibration procedure can improve
the uncertainty on the zero-points of exposures, it is worth including

the proposed geometries into the optimization studies of the Euclid
survey, which will balance this with a wide range of additional lim-
itations and requirements. Relative NISP calibration is only one of
many goals the survey strategy must take into account, while still
fulfilling a large number of requirements, which were not taken into
account in this study.

Although we have considered an idealized scenario in this pa-
per, calculations are underway and will be reported separately
(Scaramella et al., in preparation; Maiorano et al., in preparation)
that consider a more realistic distribution of observations, when
geometrical effects and noise are included. The qualitative conclu-
sions of this work agree with our simplified calculations, and thus
we believe that our conclusions on the relative coverage fractions
for the different dither strategies considered here are robust.

We leave to future work the study of the calibration procedure
of surveys covering different regions of the Galaxy as well as other
large-scale effects. Among those are effects of the long-term stabil-
ity of the instrument, effects from Solar system and Galactic noise,
etc. In addition, we leave for future work the study of the impact of
survey uniformity improvements due to different dither patters (as
in Awan et al. 2016, for the case of LSST) on clustering statistics.

We make our simulation code public on GitHub at
github.com/didamarkovic/ubercal.
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A P P E N D I X A : TA B L E S O F S Y M B O L S

We summarize our notation in this appendix. To facilitate quick
look-up, we provide tables with brief descriptions and units. In
Table A1, we gather the symbols that parametrize the survey
and dithering strategies. In Table A2, we provide the parame-
ters connected to the statistical description of the calibrators and
calibrations.

Table A1. Table of sky, survey and dithering nomenclature used throughout
this paper.

Symbol Description Unit

α Equatorial coordinate right ascension ◦
δ Equatorial coordinate declination ◦
b Galactic latitude ◦
x Horizontal coordinate on the detector arcsec
y Vertical coordinate on the detector arcsec

x Width of the detector (clear from context) arcsec
y Height of the detector (clear from context) arcsec
xgap Horizontal gap between detectors arcsec
ygap Vertical gap between detectors arcsec
Npoint Total number of fields in the survey None
Ndither Number of times each field is dithered None
Ndet Number of detectors in one focal plane None
m Indexes fields, max is Npoint None
n Indexes dithers, max is Ndither None

d Array of all dither displacements arcsec
dxn nth horizontal dither displacement arcsec
dyn nth vertical dither displacement arcsec
dx Generic horizontal dither displacement arcsec
dy Generic vertical dither displacement arcsec
r Scaling of the dither vector, i.e. of dx and dy

from 50arcsec and 100arcsec
None

|d| Total telescope displacement after dithers arcsec
D Total telescope movement during dithers arcsec

JAB J magnitude (AB photometric system) mag
iAB i magnitude (AB photometric system) mag
�int Integrated noise in the observed spectrum ADU
Fint Integrated signal in the observed spectrum ADU
p Indexes calibrator populations None
rmsp Root-mean-squared of the fluxes of p-type

calibrators
None

σ�
p Intrinsic scatter of magnitudes in p-type stars mmag

Table A1 – continued.

Symbol Description Unit

n�(α, δ) Surface number density of calibrator stars at
a position (α, δ) on the sky

deg−2

n�(b) Average surface number density of calibrator
stars at Galactic latitude, b

deg−2

n�
p Surface number density of p-type calibrator

stars
deg−2

i Indexes exposures, max is Nexp None
j Indexes calibrator stars, max is N� None
l Indexes overlap tiles None

N� Total number of calibrator stars None
N�

l Number of all calibrator stars in the lth
overlap tile

None

N�
pl Number of p-type calibrator stars in tile l None

Nexp Total number of exposures in survey None
N

exp
j Total number of observations of calibrator j None

N
pix
j Area of the calibrator j image pixel

N
exp
l Number of exposures that contain the tile l None

No
i Number of overlap tiles in exposure i None

Al Area of overlap tile l deg2

Table A2. Table of calibration nomenclature used throughout this paper.

Symbol Description Unit

F�
j True flux of calibrator j erg s−1 cm−2

F ADU
ij Flux of calibrator j measured in exposure i ADU

F c
ij Calibrated flux of calibrator j in exposure i erg s−1 cm−2

F 0
i Mean dark current of exposure i ADU

Ki Multiplicative flux calibration mean of exposure
i to be determined

None

Ki(x, y) Multiplicative flux calibration at position (x, y)
in exposure i

None

Gi(x, y) Difference from Ki at position (x, y) in exposure i None

m�
j True magnitude of calibrator j mag

m�
l True mean magnitude of all calibrator in tile l mag

mij Magnitude of calibrator j measured in exposure i mag
mc

j Mean of all calibrated magnitude measurements
of calibrator j

mag

mc
ij Magnitude of calibrator j calibrated in exposure i mag

mc
ilp Magnitude of calibrator j from population p,

calibrated in exposure i
mag

mc
il Mean calibrated magnitude of all stars in tile l of

exposure i
mag

mc
l Mean calibrated magnitude of all exposures in

tile l
mag

mc
il Mean calibrated magnitude of all but the ith

exposure in tile l
mag

eij Miscalibration of the magnitude of star j in
exposure i

mag

eil Miscalibration of the l tile mean in exposure i mag
ki Additive magnitude calibration of exposure i to

be determined
mag

�K
j Scatter of calibrated flux measurements of

calibrator star j
erg s−1 cm−2

σ ij Error on the measurement of magnitude j in
exposure i

mmag

σ ijl Error on the measurement of magnitude j in
overlap l of exposure i

mmag

σ l Error on the measured mean magnitude l tile mmag
σ e−

i (x, y) Error in pixel at position (x, y) in exposure i mmag
σ e−

i Error in a pixel in exposure i mmag
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Table A2 – continued.

Symbol Description Unit

σ p Scatter in measured magnitudes of p-type stars mmag
wpl Poissonian optimal weight of p-type calibrators

in tile l
mmag−2

σ k Uncalibrated zero-point scatter mmag
σk

f Residual zero-point scatter mmag

P Probability (either posterior, prior or likelihood) None
χ2

L Exponent of the likelihood None
χ2

eff Exponent of the posterior None

APPENDIX B: D ISTRIBUTION
O F M I S C A L I B R AT I O N S

We would like to show the relationship between the miscalibration,
eij, defined in equation (5) and its flux equivalent Eij, being the
fractional flux miscalibration, which we define here, by writing the
true flux of star j, as

F�
j = F c

ij − F�
j Eij (�ij /F

�
j ) . (B1)

Therefore, by equation (1), the measurement of the true flux of star
j in exposure i will be

F ADU
ij = 1

Ki

F �
ij

(
1 + Eij

(
�ij /F

�
j

)) + F 0
i , (B2)

with �ij /F
�
j being the standard deviation of the distribution of the

fractional random relative miscalibration variable, Eij. In the case
of perfect ubercalibration, we would achieve Eij → 0 and σE

ij → 0.
As a consequence of these assumptions, any difference between

the flux measurements of two stars in the same exposure will be
due to a random (close to Poissonian) noise from the detector in
addition to intrinsic variations in the true stellar fluxes. We can
characterize the detector noise with the scatter �ADU

i and the scat-
ter in stellar brightnesses as ��

j . The better we understand these
noise models and the behaviours of the corresponding quantities,
the better the end result of this procedure. With this in mind, we
later divide the variations of the second kind into those due to the
different stellar types and a Gaussian distribution of magnitudes
(not fluxes) among the stars of each type. We discuss this division
above in Section 2. The �ij is the expected scatter of measurements
due to intrinsic flux scatter, the noise from the observation of each
star (telescope and detector effects) and the error resulting from
the extraction and analysis procedure. Since this quantity does not
vary from star to star, but only the stellar type and exposure, we
will say that if star j belongs to population p, ��

j = ��
p , where the

capital sigma denote the relation of the quantities to flux rather than
magnitude.

The first moment of the distribution of this variable can be derived
from equation (B2) by writing the true flux as

F�
j = K t

iF
ADU
ij

[
1 + Eij

(
�ij /F

�
j

)]−1
,

⇒ m�
j = ki + mij + eij ,

where eij = m�
j − mc

ij

= 2.5 log10

[
1 + Eij

(
�ij /F

�
j

)]
. (B3)

We can therefore find the width of the eij distribution as

σij = σE
ij

∣∣∣∣ deij

dEij

∣∣∣∣ =
[

��
j

Fj

]
2.5

ln(10)
(
1 + Eij

) . (B4)

We then find that averaging over all exposures, i, gives

〈
σij

〉
j

≈ ��
j

Fj

=
[

signal

noise

∣∣∣∣
j

]−1

, (B5)

if Eij � 1 and 〈Eij〉j ≈ 0.

A P P E N D I X C : FU L L D E R I VAT I O N O F T H E
M A R G I NA L I Z E D P O S T E R I O R O F T H E
M U LT I P L I C AT I V E E X P O S U R E F L U X
C A L I B R AT I O N S

We would like to calculate the posterior distribution in equation (14),
of the set of exposure calibrations ki, given a set of measurements
of calibrator magnitudes, mij, marginalized over the true calibrator
magnitudes, m�

j . This means we must first find the marginalized
likelihood:

P (mij |ki) =
∫ ∞

−∞
P (mij |ki, m

�
j )P (m�

j ) dm�
j

= const ×
∫ ∞

−∞
I (m�

j ) dm�
j . (C1)

We assume that the likelihood of measured stellar fluxes is a simple
multivariate Gaussian and that the measured fluxes are indepen-
dent; therefore, the probability is simply a product of the individual
probabilities, and taking the natural logarithm gives

ln
[
P (mij |ki,m

�
j )
] = − Nexp

N�∑
j

Nexp∑
i

ln(σij

√
2π)

− 1

2

N�∑
j

Nexp∑
i

(mij − (m�
j + ki))2

σ 2
ij

, (C2)

where the σ ij is also assumed to be known. We can construct a
prior on the true magnitudes expecting that they are distributed as a
Gaussian with a mean of μ and a width τ j

6,

ln
[
P (m�

j )
] = −N� ln(τ

√
2π) − 1

2

N�∑
j

(
m�

j − μ

τ 2

)2

. (C3)

From now on, we drop all the constants and keep only terms that
will be relevant in finding the maximum of the posterior. We are
effectively working with the χ2 estimator as in Padmanabhan et al.
(2008). Then we can consider the −2 ln of the integrand in equa-
tion (C1):

− 2 ln I (m�
j ) =

N�∑
j

Nexp∑
i

(
(mij − ki) − m�

j

)2

σ 2
ij

+
N�∑
j

(m�
j )2 − 2m�

jμ

τ 2

=
∑

ij

(
mij − ki

)2

σ 2
ij

+
∑

j

Mj (m�
j ), (C4)

6 The exact form of the prior is not crucial for the rest of this procedure.
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with

Mj (m�
j ) = (m�

j

)2

MA
j︷ ︸︸ ︷[∑

i

1

σ 2
ij

+ 1

τ 2

]
−2m�

j

MB
j︷ ︸︸ ︷[∑

i

mij − ki

σ 2
ij

+ μ

τ 2

]

=
⎛
⎝m�

j

√
MA

j − MB
j√

MA
j

⎞
⎠2

− (MB
j )2

MA
j

, (C5)

having ‘completed the square’ (Bridle et al. 2002). Therefore, in
order to marginalize over the true magnitudes, we must integrate
over:

ln I (m�
j ) = − 1

2

⎡
⎣∑

ij

(
mij − ki

)2

σ 2
ij

−
∑

j

(MB
j )2

MA
j

⎤
⎦

− 1

2

∑
j

⎛
⎝m�

j

√
MA

j − MB
j√

MA
j

⎞
⎠2

. (C6)

The second term in this equation is the only term that depends
on m�

j ; therefore, the other terms can come out of the integral as
multiplicative constants. Then we will get an ordinary Gaussian
interval, whose value will be independent of MB

j and therefore of
ki, which means that in the search for the maximum of the posterior
with respect to ki, it can be treated as a constant, i.e. ignored:

P (mij |ki) =
∫ ∞

−∞
I (m�

j ) dm�
j

∝ exp

⎧⎨
⎩−1

2

⎡
⎣∑

ij

(
mij − ki

)2

σ 2
ij

−
∑

j

(MB
j )2

MA
j

⎤
⎦
⎫⎬
⎭ .

(C7)

Now that we have this general expression, we can loosen the prior
on m�

j :

τ → ∞ and therefore
(MB

j )2

MA
j

→
(∑

i

mij − ki

σ 2
ij

)2 [∑
i

1

σ 2
ij

]−1

.

Using that∑
i

mij − ki

σ 2
ij

=
∑

i

mij − ki

σ 2
ij

, (C8)

we can write the marginalized likelihood:

− 2 ln P (mij |ki) ∝
∑

ij

(
mij − ki

)2

σ 2
ij

−
∑

j

(∑
i

mij − ki

σ 2
ij

)2 [∑
i

1

σ 2
ij

]−1

, (C9)

simply as an effective χ2:

χ2
L(mij |ki) =

∑
ij

(
mij − ki − mij − ki j

)2

σ 2
ij

. (C10)

We know that the absolute calibrations should be done to a certain
quality, σ k, and therefore we can also construct a prior to reflect
this:

ln [P (ki)] = −Nexp ln(σ k
√

2π) − 1

2

Nexp∑
i

(
ki

σ k

)2

,

since by definition of relative calibrations, taking the ensemble
average over the full survey gives 〈ki〉 = 0. And so, the −2 ln of the
final posterior (modulo additive constants) becomes

χ2
eff (ki |mij ) =

∑
ij

(
mij − ki − mij − ki

∣∣
j

)2

σ 2
ij

+
Nexp∑

i

(
ki

σ k

)2

.

A P P E N D I X D : U N D E R S TA N D I N G
T H E FE AT U R E S

In Figs D1 and D2 we plot some more dither configurations at
dither sizes that display clear features in Figs 5 and 8, as well as
coverage evolution with dither size in Figs D3 and D4 for two of
the remaining five patterns, namely J and O. We choose to add the
coverage of the J-pattern of Laureijs et al. (2011) and we choose
the O-pattern for its intuitive simplicity.

The connection to the dips in calibration quality can be seen
particularly well in the visible increase in 0-pass coverage at
dx = 356 arcsec.

APPENDI X E: FI TTI NG THE FLAT-FI ELD

We use the publicly available Self-Calibration code to repeat the
analysis of Holmes et al. (2012) using two (J and S) out of the above
eight dither patterns and compare them to two of the Holmes et al.
(2012) dither patterns (uniformly displaced, C, and quasi-random,
QR). This analysis considers the very small scales of calibration and
tries to fit the pixel-to-pixel flat-field residuals across the full FOV,
which is modelled as a square and not split into detector squares.
Therefore, there are no gaps between detectors or pointings and the
coverage is always at least 4-pass. We re-plot some of the figures
from their paper with these four dither patterns and with only four
dithers per pointing (they had nine) and show the results in Table E1,
Figs E1–E4. We do this to compare the new pattern we propose, S,
to the previously proposed patterns.
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Relative spectrophotometric self-calibration 3693

Figure D1. The n-pass overlap tiles of the S-, J-, N-, R-, O- and X-patterns from left to right and top to bottom, but with a dither scaling of r = 7.0,
corresponding to the dither step where the first dither aligns perfectly with the vertically adjacent row of detectors.

Figure D2. The n-pass overlap tiles of the S-, J-, N-, R-, O- and X-patterns from left to right and top to bottom, but with a dither scaling of r = 3.5,
corresponding to the dither step where the first dither aligns perfectly with the vertically adjacent row of detectors, so that the 0-pass coverage is large.
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3694 K. Markovič et al.

Figure D3. Coverage fraction against dither size for the J-pattern. The same for the S-pattern can be seen in Fig. 3.

Figure D4. Coverage fraction against dither size for the O-pattern. The same for the S-pattern can be seen in Fig. 3.

Table E1. Results of the Holmes et al. (2012)-like analysis of the S and J patterns. The columns show the number
of iterations, the source rms, the Badness metric, the best-in-basis metric and the fit χ2 for each of the four
patterns.

Pattern No. of iter. rms Badness BiB χ2

C 26.0 0.2098 0.3373 0.0233 315 496.97
QR 13.0 0.2055 0.3388 0.0059 36 554.80
J 3459.0 0.2538 0.3340 0.0825 307 420.63
S 1447.0 0.2491 0.3364 0.0764 307 616.41
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Relative spectrophotometric self-calibration 3695

Figure E1. S survey configuration, coverage and distribution of calibrators. These plots were generated using the code distributed with Holmes et al. (2012),
where (a) is the survey footprint in the configuration with no detector or pointing gaps, (b) is its coverage, (c) is the number of observations of sources and (d)
is the uniformity of the survey after a Holmes et al. (2012)-like ubercalibration.
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3696 K. Markovič et al.

Figure E2. J survey configuration, coverage and distribution of calibrators. These plots were generated using the code distributed with Holmes et al. (2012),
where (a) is the survey footprint in the configuration with no detector or pointing gaps, (b) is its coverage, (c) is the number of observations of sources and (d)
is the uniformity of the survey after a Holmes et al. (2012)-like ubercalibration.
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Relative spectrophotometric self-calibration 3697

Figure E3. S-pattern flat-field fits. These plots were generated using the code distributed with Holmes et al. (2012). Here, (a) and (c) are the comparisons of
the achieved fit and the best possible fit (so-called best-in-basis) in grey, and the true flat-field model in black. On the right are the (b) and (d) plots, which show
the residuals compared to the true flat-field for the achieved and best-in-basis fits, respectively.
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3698 K. Markovič et al.

Figure E4. Quasi-random flat-field fits. These plots were generated using the code distributed with Holmes et al. (2012). Here, (a) and (c) are the comparisons
of the achieved fit and the best possible fit (so-called best-in-basis) in grey, and the true flat-field model in black. On the right are the (b) and (d) plots, which
show the residuals compared to the true flat-field for the achieved and best-in-basis fits, respectively.

This paper has been typeset from a TEX/LATEX file prepared by the author.
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